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Preface

The study of astronomy has blossomed in a vari-
ety of ways in the last decade of the 20th century.
Every part of the electromagnetic spectrum has
seen a revolution in observing techniques. While
much of this has been on the ground, space-based
observing has come into its own, as we are seeing
the results of second and third generation space-
based telescopes. These have provided sensitivity
and clarity that have revolutionized all subfields
in astronomy and created some new ones. These
observational developments have been supple-
mented by massive improvements in computing
power, allowing for the processing of large
amounts of astronomical data, and the theoreti-
cal modeling of the results.

The most amazing aspect of all of this
progress is that we can still provide reasonable
answers to the naive question, ‘How does it all
work?’ As our astronomical horizon expands, we
can still use familiar physics to explain the
wealth of phenomena. Even when the explana-
tion at the research level requires a complex
application of certain physical laws, there is
usually still a way of understanding the phe-
nomena based on introductory level physics.
Perhaps this is just the realization that the laws
of physics are small in number but apply uni-
versally. There are a few exceptions, where the
astronomical problems help drive back the fron-
tiers of physics, but these can be explained in
more familiar terms.

This book is dedicated to the student who
would like more out of even a brief study of
astronomy than a list of what there is. It is for the
student who wants to understand why certain
phenomena occur, and how astronomical objects
work. In addition, it addresses the question of
how we collect and interpret information about
remote objects.

The primary audience of this book will be sci-
ence majors who have taken a year of college
physics (classical) with calculus. We therefore pre-
sume that the student has seen the classical
physics needed for the astronomy course, but do
not presume a knowledge of ‘modern’ physics.

This book is the successor to Astronomy: a Physical
Perspective, published by Wiley in 1986.1 am grate-
ful to the loyal audience that book developed,
and for their encouragement to work on this new
version.

I am grateful to Simon Mitton at Cambridge
University Press, who shared my view that a
‘higher level’ book could still be visually attrac-
tive. I am also grateful to Jacqueline Garget, who
believed in this project, seeing it through a few
rough early reviews to its completion. At every
stage, she always knew exactly how to answer my
email questions to keep me going.

Three professors, Stephen Boughn (Haverford),
James Houck (Cornell) and Judith Pipher (Rochester)
class-tested various versions of this manuscript. I
appreciate their patience and their feedback. I
also appreciate their students taking the time to
use a ‘book’ in a non-standard form, and to give
comments.

Special thanks go to Nadine Dinshaw, a friend/
colleague, who read the whole manuscipt in an
early form. Her comments and support were very
helpful at that early stage.

At every stage the manuscript benefited greatly
from the feedback from reviewers who read all or
various parts of the manuscript. Some were anony-
mous, and others were: Imke DePater (University of
California at Berkeley), Debra Elmegreen (Vassar),
Andrea Ghez (UCLA), Steven Gottesman (University
of Florida), Richard Griffiths (Carnegie Mellon),
David Helfand (Columbia), Lee Mundy (University
of Maryland), James Napolitano (Rensselaer), and
Heidi Newberg (Rensselaer).

Many astronomers and physicists have con-
tributed data and illustrations which I have used
directly. They are too numerous to mention here,
but are credited in the figure captions. My special
thanks go to those who were anxious for me to
have the most recent data or best pictures.
Gathering these figures proved to be frustrating
sometimes. However, the contact that I had with
the vast majority was very rewarding. I would
also like to thank an extraordinary copy editor,
Irene Pizzie, for always knowing what I meant to
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say, and production manager, Catherine Garland,
for keeping the project moving along, and always
keeping me in the loop.

This project started during my three-year stay
at the National Radio Astronomy Observatory, in
Tucson. I am thankful to Paul Vanden Bout (NRAO
director) for helping me settle into that position,
and to all the people in Tucson who provided a
stimulating atmosphere and a view of the Santa
Catalina Mountains. The project has finished dur-
ing my stay at the University of Texas, Austin. I
am grateful to Frank Bash (McDonald Observatory
director) for arranging that position and always
having an open door. I thank my colleagues here
in Austin for providing a stimulating environment
also.

On the personal level, I got my start in astron-
omy when my mother encouraged me to take
courses at the Hayden Planetarium, in New York.
I am also grateful to my two sons, Eric and Jeff,
who never stop asking questions.

Most important, at many levels, this book
would not be here without my best colleague and
best friend, Kathryn Mead. She encouraged me to
tackle hard tasks, from running marathons, to
biking centuries, to refereeing soccer, to writing
books. Her drive and curiosity led to our most
important discovery (molecular clouds in the
outer Milky Way). More immediately, she also
helped dress up those figures for this book that
needed it the most.



Chapter |

Introduction

I.1 | An understandable universe

Our curiosity about the world around us is most
naturally manifested when we look up at the night
sky. We don’t need any special instruments to tell
us something interesting is going on. However,
only with the scrutiny afforded by a variety of
instruments can these patches of light, and the
dark regions between them, offer clues about their
nature. We have to be clever to collect those clues,
and just as clever to interpret them. It is the total
of these studies that we call astronomy.

We are fortunate to live in an era of extraordi-
nary astronomical discovery. Some have even
called this the ‘Golden Era of Astronomy’. For cen-
turies astronomers were restricted to making
visual observations from the surface of the Earth.
We can now detect virtually any type of radiation
given off by an astronomical object, from radio
waves to gamma rays. Where necessary, we can
put observatories in space. For the Solar System,
we can even visit the objects we are studying.

For all of these capabilities, there is a major
drawback. We cannot do traditional experiments
on remote astronomical objects. We cannot
change their environment and see how they
respond. We must passively study the radiation
that they give off. For this reason, we refer to
astronomy as an observational science rather than
an experimental one. It is because of this differ-
ence that we must be clever in using the infor-
mation that we do receive. In this book, we will
see what information we can obtain and how the
clues are processed. We will see that, in exchange

for the remoteness of astronomical objects, we get
to study a large number of objects under a variety
of conditions.

One of the most fascinating aspects of astron-
omy is that many phenomena can be understood
in terms of relatively simple physics. This does not
mean that we can explain every detail. However,
we can explain the basic phenomena. In this
book, we emphasize the application of a few phys-
ical principles to a variety of situations. For this
purpose, some background in physics is needed.
We assume that the reader has had an introduc-
tory course in classical physics (mechanics, elec-
tricity and magnetism, thermodynamics). We
also use quite a bit of modern physics (relativity,
atomic and nuclear physics). The modern physics
will be developed as we need it. In addition, a
familiarity with the concepts of calculus is
assumed. While most of the material can be mas-
tered without actually taking derivatives and
working out integrals, the concepts of derivatives
as representing changes and integrals as repre-
senting sums are used. The reader may also note
a variation in the mathematical level from sub-
ject to subject. This is because the goal in writing
this book is to present each astronomical subject
at the simplest level that still provides for a rea-
sonable understanding.

In organizing an astronomy text, one impor-
tant question is where to put the material on the
Solar System. The traditional approach has been
to place the Solar System first. This allows the
student to start with familiar, nearby objects first
and work out from there. The disadvantage is
that we use techniques to study the Solar System
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that we cannot use on more distant objects. In
this book we place the Solar System last. This
allows the student to form a better idea of how
astronomy is done on remote objects. We can also
use the physics that we develop in studying stars
and other astronomical objects to give us a better
appreciation for how the Solar System works.
Finally, putting the Solar System at the end
allows for a discussion of the formation of the
Solar System, utilizing things that we learn about
star formation.

We start with stars, those points of light in
the night sky. This allows us to develop physical
ideas (radiation, gravity, etc.) that we will use
throughout the book. We will see how we obtain
information about the basic properties of stars:
temperatures, sizes, masses, compositions. The
Sun will then be looked at as an example of a typ-
ical star. We will then put these stellar properties
together, and describe a theoretical picture of
how stars work. In Part II we will develop the spe-
cial and general theories of relativity, to allow us
to understand better the unusual states that are
reached when stars die. We will discuss the nor-
mal lifetime of stars and stellar old age and death
in Part III. In stellar death, we will encounter a
variety of exotic objects, including neutron stars
and black holes.

In Part IV, we will look at the contents of our
own galaxy, the Milky Way. We will start by look-
ing at the interstellar medium and then at how
stars are formed. Finally, we will look at how
stars, gas and dust are organized into a galaxy.

In Part V, we will look at the overall structure
of the universe, including the arrangement of
galaxies and their motions. We will start by look-
ing at other galaxies. We will also study active
galaxies, which give off much more energy than
our own. We will follow the trail of active galax-
ies from starburst galaxies to quasars. The early
history of the universe (the big bang) will be
described, and we will see can how we look for
clues about the past and its ultimate fate. In talk-
ing about the early universe, we will encounter
one of the most fascinating recent developments,
the merging of physics on the largest and small-
est scales. This involves blending theories on the
ultimate structure of matter with theories of the
overall structure of the universe.

In the final part, Part VI, we will study the
Solar System. We will see how the formation of
the Solar System can be fit into ideas already
developed about star formation. We will encounter
a variety of surfaces, atmospheres and rings that
can be explained by using the physical ideas
already developed. We will also look at the origin
of life on the Earth and the search for life else-
where in the Solar System and in our galaxy.

Although the organization of the book is
around astronomical objects, the presentation of
the topics emphasizes the application of the
underlying physics. Almost all of the physical
tools will apply to several topics. A great strength
of physical theories is the great range of their
applicability. For example, orbital mechanics can
tell us about the masses of binary stars or help us
plan a probe to Mars. Radiative transfer helps us
understand the appearance of the Sun, the physi-
cal conditions in interstellar clouds or the tem-
peratures of planetary atmospheres. Tidal effects
help us explain the appearance of certain galax-
ies, rings around some planets and the internal
heating of Io, one of Jupiter’s moons.

Though understanding how astronomical
objects work is our goal, astronomy’s foundation
is observation. We will see how observations
often define a problem - the discovery of new phe-
nomena. Observations usually provide a check on
theories that are developed. In this book, we will
therefore emphasize the interplay between obser-
vation and understanding the physics. We will
see how some observations yield numbers with
great precision, while others only give order of
magnitude estimates, but both types can be
equally important for deciding between theories.

With the current pace of astronomical discov-
ery, there is an important caution to keep in
mind. When you read an introductory text on
classical physics, you are reading about theories
that were worked out and tested over a century
ago. No question is raised about the correctness
of these theories. In astronomy, new ideas or new
observations are constantly changing the think-
ing about various problems. Many of the topics
discussed in this book are far from being settled.
Sometimes, more than one explanation is pre-
sented for a given phenomenon. This is done
either because we don’t know which is correct, or
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to show how one theory was eliminated in favor
of another. Just because this is a “text” it doesn’t
mean that it has the final word. If you under-
stand where the problems lie, and the reasoning
behind the explanations, then you will be able to
follow future developments as they appear in sci-
entific magazines or journals.

This, then, is the plan. As you study the material
that follows, see how far you can go with a little bit
of physics and a lot of curiosity and ingenuity.

|.2 | The scale of the universe

The objects that we encounter in astronomy are,
for the most part, so large or distant that it is hard
to comprehend their size or distance. We will take
a brief look at the distances involved when we
study different astronomical objects. We will talk
about these sizes in more detail when we
encounter the objects in the rest of the book. In
Fig. 1.1, we show a selection of objects on the var-
ious scales.

We start by looking at the Earth and Moon
(Fig. 1.1a). Earth has a radius of about 6000 km. Its
mass is about 6 X 10?” grams. The Moon is about
4 X 10° km from the Earth. It takes about one

second for light to travel from the Moon to the
Earth.

We next look at the Sun (Fig. 1.1b). It is 1.5 X
10® km from the Earth, meaning it takes light
over eight minutes to get here from the Sun. We
call this distance the Astronomical Unit. Its mass
is 2 X 10%* g. This turns out to be average for a
star, and we even use it as a convenient measure.
The Sun’s radius is 6 X 10° km.

We see how far out the planets are by looking
at Pluto (Fig. 1.1¢). It is almost 40 astronomical
units from the Sun, meaning it takes light almost
six hours to reach us from Pluto.

By the time we reach the nearest stars, they
are so far away that it takes light years to reach
us. So we measure their distance in light years

(0

m Photographs to show different astronomical
scales. (a) The Earth and Moon from space. [NASA] (b) The

Sun. [NOAO/AURA/NSF] (c) Pluto and its moon, Charon.
[STScl/NASA]
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ST (Continued) (d) Betelgeuse. [STSCNASA] (e) A
globular cluster. [NOAO/AURA/NSF] (f) The Andromeda
Galaxy. [NOAO/AURA/NSF] (g) A cluster of galaxies.
[NOAO/AURA/NSF]

(almost 10* km) or parsecs (one parsec is about
three light years). Fig. 1.1(d) shows a star about as
far away as we can take direct picture of its disk.
Itis the giant star Betelgeuse in the constellation
of Orion, some 500 parsecs away, meaning it took
the light for that image about 1500 years to
reach us.

The next largest scale are groupings of stars
called clusters, such as the globular cluster in Fig.

()

(g

1.1(e). These objects may contain 10° stars, and
have extents of tens of parsecs. Because of their
collective brightness, we can see them far away,
even on the other side of our galaxy. In fact, they
tell us that we are 8500 parsecs from our galactic
center. That means it takes light from the galactic
center 25 000 years to reach us.



| INTRODUCTION

In Fig. 1.1(f), we leave the Milky Way Galaxy
and look at one of our neighbors, the
Andromeda Galaxy, which we think looks a lot
like our galaxy would look if we could view it
from outside. It is so far away that we measure its
distance in thousands of parsecs, kiloparsecs. It
is 700 kiloparsecs away, meaning it takes light
about 2100 years to reach us. It is about 20 kilo-
parsecs across. It has a mass equal to more than
10" Suns. When we look at larger scales, we will
see that galaxies are like the molecules of the
universe.

Our final step is to a cluster of galaxies, such
as the Virgo Cluster, which is shown in Fig. 1.1(g).
These clusters are groupings of thousands of
galaxies, and are typically millions of parsecs
across. We detect some clusters so far away that
their light has taken a significant fraction of the
age of the universe (which we think is about 14 X
10° yr) to reach us.

As we have said, this description is just to give
you a flavor of the sizes involved. The individual
objects will be discussed in detail throughout
this book.






Part |

Properties of ordinary stars






Chapter 2

Continuous radiation from stars

2.1 | Brightness of starlight

When we look at the sky, we note that some stars
appear brighter than others. At this point we are
not concerned with what causes these brightness
differences. (They may result from stars actually
having different power outputs, or from stars being
at different distances.) All we know at first glance is
that stars appear to have different brightnesses.
We would like to have some way of quantify-
ing the observed brightnesses of stars. When we
speak loosely of brightness, we are really talking
about the energy flux, f, which is the energy per
unit area per unit time received from the star.
This can be measured with current instruments
(as we will discuss in Chapter 4). However, the
study of stellar brightness started long before
such instruments, or even telescopes, were avail-
able. Ancient astronomers made naked eye esti-
mates of brightness. Hipparchus, the Greek
astronomer, and later Ptolemy, a Greek living in
Alexandria, Egypt, around 150 Bc, divided stars
into six classes of brightness. These classes were
called magnitudes. This was an ordinal arrange-
ment, with first-magnitude stars being the bright-
est and sixth-magnitude stars being the faintest.
When quantitative measurements were made,
it was found that each jump of one magnitude
corresponded to a fixed flux ratio, not a flux differ-
ence. Because of this, the magnitude scale is essen-
tially a logarithmic one. This is not too surprising,
since the eye is approximately logarithmic in its
response to light. This type of response allows us to
see in very low and very high light levels. (We say

that the eye has a large dynamic range; this range
is achieved at a sacrifice in our ability to discrimi-
nate small brightness differences.)

The next step was to make the scale continu-
ous, so that, for example, we could accurately
describe the brightness of a star that is between
second and third magnitude. In addition we would
like to extend the scale, so that the brightnesses
of stars that we can see only through telescopes
can be included. It was found that a difference of
five magnitudes corresponds to a factor of 100 in
brightness. In setting up the magnitude scale,
this relation is defined to be exact.

Let b, and b, be the observed brightnesses of
two stars, and let m; and m, be the corresponding
magnitudes. The statement that a five-magnitude
difference gives a flux ratio of 100 corresponds to

by/b, = 100™:~m)/5 (2.1)

We can see that this equation guarantees that
each time m, — m,; increases by five, by/b,
decreases by a factor of 100. Remember, increasing
the brightness decreases the magnitude. This
point sometimes confuses even professional
astronomers. That is why you will often hear
astronomers talking about being so many magni-
tudes “brighter” or “fainter” than something else,
without worrying about whether that makes m
larger or smaller.

Equation (2.1) gives brightness ratios in pow-
ers of 100, but we usually work in powers of ten.
To convert this we write 100 as 102, so equation
(2.1) becomes

by/b, = 10(m ™) (2.2)
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This equation can be used to calculate the
brightness ratio for a given magnitude difference.
If we want to calculate a magnitude difference for
a given brightness ratio, we take the logarithm
(base 10) of both sides, giving

My — My = 2.510810(by/b2) (2.3)

To see how this works, let’s look at a few sim-
ple examples. On the original scale, the magni-
tude range for stars visible to the naked eye is 1 to
6 mag. This corresponds to a brightness ratio

byfb, = 10672 = 10

The largest ground-based telescopes extend
our range from 6 to 26 mag. This corresponds to
an additional brightness ratio

byfby = 10126—6)25 — 108

We can also find the magnitude difference,
Am, corresponding to a factor of 10° in brightness:

Am = 2.5 log,(10°) = (2.6)(6) mag = 15 mag

So, we have taken the original six magnitude
groups and come up with a continuous scale that
can be extended to fainter or brighter objects.
Objects brighter than magnitude 1 can have mag-
nitude 0 or even negative magnitudes.

2.2 | The electromagnetic spectrum

Thomas Young first demonstrated interference
effects in light, showing that light is a wave phe-
nomenon. If we pass light through a prism (Fig.
2.1), we can see that the light is spread out into

Red

Green
Blue
Violet

m The colors of visible light. When light passes
through a prism, the rays of different colors are deflected by

different amounts. The colors are listed, from top to bottom,

in order of decreasing wavelength.

Distance

>

Intensity

The wavelength A is the distance between the
corresponding points of a wave in successive cycles. For
example, it can be from peak to peak.

different colors. We call this range of colors the
visible spectrum. These colors have different wave-
lengths (Fig. 2.2). For example, the red light has a
wavelength around 650 nm (= 650 X 10" ° m =
6.5X 10 "m =6.5X 10 °cm). (We used to
express this in terms of angstrom units, after the
Swedish physicist A. J. Angstrom, but this is not
part of the official metric system. The angstrom
was a convenient unit, since it is about the size of
a typical atom.) At the opposite end of the visible
spectrum from red is violet, with a wavelength of
about 400 nm.

In a vacuum, all wavelengths of light travel at
the same speed ¢ = 3.0 X 10" cm/s (3.0 X 10® m/s,
3.0 X 10° km/s). At this speed light can travel a dis-
tance equal to the Earth’s circumference 7.5 times
per second. A light pulse take 1.3 s to reach the
Moon. The speed of light is so large that measur-
ing it requires the accurate measurement of time
over short intervals, or the passage of light over
long distances. Until late in the 19th century, the
large distances between astronomical objects
were used to provide reasonably long travel times.
More recently, accurate timing devices have made
laboratory measurements feasible.

All waves have a frequency associated with
them. The frequency tells us the number of oscil-
lations per second, or the number of crests that
pass per second. The product of the wavelength A
and the frequency v gives the speed of the wave.
That is,

v =c (2.4)
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Table 2.1. ‘ The electromagnetic spectrum.

Region Wavelength Frequency (Hz)

Radio > | mm <3x 10"

Infrared 700 nm—1 mm 3% 10"-43x 10"
Visible 400-700 nm 43 % 10"-75 % 10"
Ultraviolet 10-400 nm 75 % 10"-3 x [0'®
X-ray 0.1-10 nm 3% 10'%-3x 10"
Gamma-ray < 0. nm >3x10'®

The higher the frequency, the shorter the
wavelength. For example, we can find the fre-
quency for light at a wavelength of 600 nm:

v=c/A

3.0 X 10®* m/s
600 X 10 °m

5.0 X 10™ cps

For 1 cycle per second (cps), we use the unit
1 hertz (Hz).

When we talk about light waves with the above
frequency, what is actually varying at 5 X 10™
cycles per second? This question was answered
more than 100 years ago by James Clerk Maxwell,
who pointed out the unity between electric and
magnetic fields. The behavior of these fields,
and their relationship to charged particles is
described by four equations known as Maxwell’s
equations.

In these equations, Maxwell was mostly sum-
marizing the work of others, but it was he who
put the whole picture together. For example, one
of Maxwell’s equations is Faraday’s law of induc-
tion, which describes how a changing magnetic
field can produce an electric field. (This is the
basis for the production of electricity in a gener-
ator.) Maxwell realized that if there is a symmetry
between electric and magnetic fields, then a vary-
ing electric field should be able to produce a mag-
netic field.

This realization serves as the basis for our
understanding of electromagnetic waves. An electric
field that varies sinusoidally (as a sine wave) pro-
duces a sinusoidally varying magnetic field,
which in turn produces a varying electric field,
and so on. These varying fields can propagate

through space, even empty space. All wavelengths
are possible. The speed of these waves can be pre-
dicted from Maxwell’s equations. The speed of
these waves in a vacuum is the same at all wave-
lengths, and turns out to be numerically equal to
¢, the speed of light. Light is just one form of elec-
tromagnetic wave. Other forms have wavelengths
that fall in different ranges.

The full set of electromagnetic waves is called
the electromagnetic spectrum (see Table 2.1). The vis-
ible spectrum is just a small part of the electro-
magnetic spectrum. At longer wavelengths are
infrared and radio waves. At shorter wavelengths
are the ultraviolet, X-ray and gamma-ray parts of
the spectrum. Even though there is no difference
between the waves in various parts of the spec-
trum, we use the divisions because different tech-
niques are used to detect electromagnetic waves
in various wavelength ranges. For example, our
eyes are sensitive to wavelengths between 400 nm
and 700 nm. This is not too surprising, since this
is where the Sun gives off most of its energy. It
makes sense that we have evolved with our eyes
able to make the best use of the illuminating
light.

We now know that astronomical objects give
off radiation in all parts of the spectrum.
However, the Earth’s atmosphere limits what we
can actually detect (Fig. 2.3). Ultraviolet and
shorter wavelengths are blocked by the atmos-
phere. Visible light passes through the clear
atmosphere (but is blocked by clouds). Most
infrared wavelengths are blocked by the atmos-
phere, but some wavelengths get through. For the
most part, radio waves pass through the atmos-
phere with little absorption. We speak of visible
and radio windows in the atmosphere, as well as
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some narrow windows in the infrared. A window
is simply a wavelength range in which the atmos-
phere is at least partially transparent.

Until relatively recently, astronomers could
only gather information in the visible part of the
spectrum, because of the lack of equipment.
Much of the development of astronomy was
biased by this handicap. In the middle of the 20th
century, the radio part of the spectrum was opened
for astronomical observations (taking advantage
of equipment developed for radar in WW II). Even
more recently, other parts of the spectrum have
become available to us, due in part to observato-
ries orbiting the Earth. Observing in various parts
of the spectrum will be discussed throughout this
book.

2.3 | Colors of stars

2.3.1 Quantifying color

When we look at a star, we would like to know how
much energy it gives off at various wavelengths.
We sometimes refer to a graph, or some equivalent
representation, showing intensity as a function of
wavelength (or frequency) as a spectrum. It is not
really proper to talk about the energy given off at
a particular wavelength. If we can specify a wave-
length to an arbitrary number of decimal places
then even a small wavelength range has an infinite
number of wavelengths. If there was even a little
energy “at” each wavelength, then there would be
an infinite amount of energy.

Instead, we talk about the energy given off
over some wavelength (or frequency) range. For
example, we define the intensity function I(A)
such that I(A) dA is the energy/unit time/unit sur-
face area given off by an object in the wavelength
range A to A + dA. Similarly, I(v) dv is the energy/
unit time/unit surface area given off by an object
in the frequency range v to v + dv.
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When we make a plot of I(A) vs. A for a star we
find that the graph varies smoothly over most
wavelengths. There are some wavelength ranges
at which there is a sharp increase or decrease in
I(A) over a very narrow wavelength range. These
sharp increases and decreases are called spectral
lines and will be discussed in the next chapter. In
this chapter, we will be concerned with the smooth
or continuous part of the spectrum. This is also
called the continuum.

When we look at stars we see that they have
different colors. Stars with different colors have
different continuous spectra. In Fig. 2.4, we look
at a cluster of stars, and note a wide range of col-
ors. If we took a continuous spectrum of various
colored stars, we would find that stars that
appear blue have continuous spectra that peak in
the (shorter wavelength) blue. The color of a star
depends on its temperature. We know that as we
heat an object, first it glows in the red, then turns
yellow/green, and then it turns blue as it becomes
even hotter.

We can therefore measure the temperature of a
star by measuring its continuum. In fact, it is not
necessary to measure the whole spectrum in detail.
We can measure the amounts of radiation received
in certain wavelength ranges. These ranges are
defined by filters that let a given wavelength range
pass through. By comparing the intensity of radia-
tion received in various filters, we can come up

Star cluster H and Chi
Persei. (We will talk more about
clusters of stars in Chapter 13.)
Notice the wide range of star
colors. [NOAO/AURA/NSF]

with a quantitative way of determining the color of
a star and therefore its temperature.

2.3.2 Blackbodies
We can understand the relationship between color
and temperature by considering objects called
blackbodies. A blackbody is a theoretical idea that
closely approximates many real objects in thermo-
dynamic equilibrium. (We say that an object is in
thermodynamic equilibrium with its surround-
ings when energy is freely interchanged and a
steady state is reached in which there is no net
energy flow. That is, energy flows in and out at
the same rate.) A blackbody is an object that
absorbs all of the radiation that strikes it.

A blackbody can also emit radiation. In fact, if
a blackbody is to maintain a constant tempera-
ture, it must radiate energy at the same rate that
it absorbs energy. If it radiates less energy than it
absorbs, it will heat up. If it radiates more energy
than it absorbs, then it will cool. However, this
does not mean that the spectrum of emitted radi-
ation must match the spectrum of absorbed radi-
ation. Only the total energies must balance. The
spectrum of emitted radiation is determined by
the temperature of the blackbody. As the temper-
ature changes, the spectrum changes. The black-
body will adjust its temperature so that its emitted
spectrum contains just enough energy to balance
the absorbed energy. When the temperature
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which allows this balance is reached, the black-
body is in equilibrium.

Figure 2.5 shows some sample blackbody spec-
tra. If we compare these spectra to those of actual
stars, we see that the actual spectra are very much
like blackbody spectra. Notice that in any wave-
length range, a hotter blackbody gives off more
energy than a cooler blackbody of the same size.
We also see that as the temperature increases the
peak of the spectrum shifts to shorter wavelengths.

The relationship between the wavelength at
which the peak occurs, A,y and temperature, T,
is very simple. It is given by Wien’s displacement
law:

Amax] = 2.90 X 10 ' cm K = 2.90 X 10° nm K  (2.5)

In this law, we must use temperature on an
absolute (Kelvin) scale. (The temperature on the
Kelvin scale is the temperature on the Celsius
scale plus 273.1.)

Example 2.1 Using Wien’s displacement law
(a) Find the temperature of an object whose black-
body spectrum peaks in the middle of the visible

part of the spectrum, A = 550 nm. (b) The Earth has
an average temperature of about 300 K. At what
wavelength does the Earth’s blackbody spectrum
peak?

SOLUTION
(a) Given the wavelength, we solve equation (2.5) for
the temperature:

2.9 X 10°nm K
T = ——— = 5270K
550 nm

This is close to the temperature of the Sun.
(b) Given the temperature, we solve equation (2.5)
for the wavelength:

29X 10°nmK
300 K

=1 X 10* nm

10 X 10 °m

=10 pm

This is in the infrared part of the spectrum.

Even though the Earth is giving off radiation, we
don’t see it glowing in the visible part of the
spectrum. Similarly, objects around us that are at
essentially the same temperature as the Earth
give off most of their radiation in the infrared
part of the spectrum, with very little visible light.
The visible light that we see from surrounding
objects is partially reflected sunlight or artificial
light.
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We could have solved (b) by scaling a known result,
such as the answer in (a):

/\Earth _ TA

/\A TEarth

Ty
A Earth — T A A
Earth

B (5270 K
300 K

)(550 nm)

=10 X 10° nm
= 10 pm

Scaling results can be useful because they show
how different physical parameters are related to
each other. It also provides us with a way of using
an equation even if we don’t remember the
constants.

Suppose we are interested in the total energy
given off by a blackbody (per unit time per unit
surface area) over the whole electromagnetic
spectrum. We must add the contributions at all
wavelengths. This amounts to taking an integral
over blackbody curves, such as those in Fig. 2.5.
Since a hotter blackbody gives off more energy at
all wavelengths than a cooler one, and is particu-
larly dominant at shorter wavelengths, we would
expect a hotter blackbody to give off much more
energy than a cooler one. Indeed, this is the case.
The total energy per unit time, per unit surface
area, E, given off by a blackbody is proportional to
the fourth power of the temperature. That is

E=0oT! (2.6)

This relationship is called the Stefan-Boltzmann
law. The constant of proportionality, o, is called
the Stefan-Boltzmann constant. It has a value of
5.7 X 107 ° erg/(cm? K* s). This law was first deter-
mined experimentally, but it can also be derived
theoretically. The T* dependence means that E
depends strongly on T. If we double the temperature
of an object, the rate at which it gives off energy
goes up by a factor of 16. If we change the tempera-
ture by a factor of ten (say from 300 K to 3000 K), the
energy radiated goes up by a factor of 10%.

For a star, we are interested in the total lumi-
nosity. The luminosity is the total energy per sec-
ond (i.e. the power) given off by the star. The

quantity oT* is only the energy per second per
unit surface area. Therefore, to obtain the lumi-
nosity, we must multiply it by the surface area. If
the star is a sphere with radius R, the surface area
is (47R*), so the luminosity is

L = (4w R*)(0T? (2.7)

Example 2.2 Luminosity of the Sun

The surface temperature of the Sun is about 5800 K
and its radius is 7 X 10> km (7 X 10*° cm). What is
the luminosity of the Sun?

SOLUTION
We use equation (2.7) to find the luminosity:

L = 4m(7 X 10™ cm)? [5.7 X 10> erg/(cm? K* s)]
X (5.8 X 10° K)*

=4 X 10> erg|s.

This quantity is called the solar luminosity, Lo, and
serves as a convenient unit for expressing the
luminosities of other stars.

2.4 | Planck’s law and photons

2.4.1 Planck’s law

The study of blackbody radiation plays an impor-
tant role in the development of what we refer to
as “modern” physics (even though these develop-
ments took place early in the 20th century).
When physicists tried to apply classical ideas of
radiation, they could not derive blackbody spec-
tra that agreed with the experimental results.
The classical calculations yielded an intensity
I(v, T) given by

I(v, T) = 2kTv%/c* (2.8)

This is known as the Rayleigh—Jeans law. The con-
stant k that appears in this law is the Boltzmann con-
stant (not to be confused with the Stefan-
Boltzmann constant). Its value is 1.38 X 10~ '® erg/K.
(The quantity kT is proportional to the kinetic
energy per particle in the gas.) The Rayleigh—Jeans
law agrees with experimental results at low fre-
quencies (long wavelengths), but disagrees at high
frequencies. In fact, you can see from equation
(2.8) that, as we go to higher and higher frequen-
cies, the energy given off becomes arbitrarily large.
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However, in looking at the blackbody curves (as in
Fig. 2.5) you see that there is a peak and then there
is less energy at higher frequencies. (The classical
prediction of arbitrarily large energies at high fre-
quencies was sometimes referred to as the “ultra-
violet catastrophe”.)

The first step in solving the problem of theo-
retically predicting blackbody curves was to
deduce an empirical formula for the observed
spectra. By “empirical” we mean a formula that is
arbitrarily put together to describe the observa-
tions, but which is not derived from any theory.
Once that is done, then we try to find a theory
that can be used to derive the formula.

In 1900, Max Planck, a German physicist, pro-
duced an empirical formula that accurately
describes the experimental blackbody spectra:

2h3 /¢

I(v,T) = 7ehv/kT -

(2.9)

In this equation, h is called Planck’s constant,
and has the numerical value 6.63 X 10~ %7 erg s.
This value was determined to provide the best
agreement with observed blackbody spectra.

Since the Rayleigh-Jeans law adequately
describes blackbody spectra at low frequencies,
the Planck law must reduce to the Rayleigh-Jeans
law in the limit of low frequencies. We can see
this if we take low frequencies to mean that hv
<< kT (or equivalently hy/kT << 1). In that case, we
can take advantage of the fact that for x < 1,
e* =1 + x. The Planck function then becomes

2h® kT

¢ h

I(v,T) =

_ 2kTv?

CZ

which is the Rayleigh—-Jeans law.

Equation (2.9) gives the Planck function in
terms of frequency. How do we find it as a func-
tion of wavelength? Your first guess might be sim-
ply to substitute c/A for each occurrence of v in
equation (2.9). However, we must remember that
I(v, T) gives the energy per second per frequency
interval, whereas I(A, T) gives the energy per sec-
ond per wavelength interval. The functions must
reflect that difference (especially since they will
need different units). We therefore require that

IA, T)dx = I(v, T) dv
Solving for I(A, T) gives
IA, T) = I(v, T) (dv/dA)

To find I(A, T) we must be able to evaluate
dv/dA. We do this by remembering that » = c/A, so
that

dyfdr = —¢A? (2.10a)

We don’t care about the minus sign, which
just tells us that frequency increases when wave-
length decreases. Using this result gives

IA, T) = I(v, T) (c]A?) (2.10b)

Now we can substitute c¢/v for v to obtain the
final result:

2hc?/A3

IA.T) = QAT _

(2.10¢)

Remember, the Planck function accurately
describes blackbody spectra, but it was origi-
nally presented as an empirical formula. There
was still no theoretical understanding of the ori-
gin of the formula. Planck continued his work
in an effort to derive the formula from some
theory. Planck found that he could derive the
formula from classical physics if he inserted a
mathematical trick. The trick amounted to tak-
ing a sum rather than an integral. The trick cor-
responds to the physical statement that a black-
body can only emit radiation at a frequency » in
multiples of the quantity hv. That is, the energy
could only be emitted in small bundles or quanta
(singular quantum). The quanta have energy hv.
Even though Planck was able to derive the black-
body formula correctly, he was still not satisfied.
There was no justification for the restriction
that energy must be quantized.

2.4.2 Photons

An explanation for why energy must be quan-
tized was proposed by Albert Einstein, in 1905. (It
was for this explanation that Einstein was later
awarded the Nobel Prize in physics.) Einstein
was trying to explain a phenomenon known as
the photoelectric effect, in which electrons can be
ejected from a metal surface if light falls on the
surface. (This is the basis for photocells, which
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are used in many applications.) Laboratory stud-
ies had shown that increasing the intensity of
the light falling on the surface increased the
number of electrons ejected from the surface,
but not their energy. Einstein said that all radia-
tion (whether from a blackbody or otherwise)
must come in small bundles, called photons. The
energy, E, of a photon with a frequency v is given
by

E=hv (2.11)

This explains the observed properties of the
photoelectric effect by stating that each electron
is ejected by a single photon striking the surface.
Increasing the intensity of light increases the
number of photons striking the surface per sec-
ond, and therefore increases the rate at which
electrons are ejected. Increasing the frequency of
the light increases the energy at which the elec-
trons are ejected. (This latter prediction was
finally tested by Robert Millikan in 1916.) A further
test of the photon hypothesis came in an analysis
of collisions between light (photons) and elec-
trons, by A. H. Compton. The fact that light is com-
posed of photons explains why Planck had to
assume that energy is quantized in deriving the
formula for blackbody spectra.

The assertion that light is essentially a parti-
cle went against the then accepted ideas about
light. The question of whether light is a particle
or a wave had been going on for centuries. For
example, Newton believed that it is a particle,
and he worked out a theory of refraction - the
bending of light when it passes, for example,
from air to glass - on the basis of light speeding
up when it enters the glass. (We now know, how-
ever, that as a wave it slows down.) The wave the-
ory became dominant with the demonstration of
interference effects by Young and the explana-
tion of electromagnetic waves by Maxwell. In
explaining the photoelectric effect, Einstein was
saying that the particle picture must be revived.
The explanation that, somehow, light can exhibit
both wave and particle properties is referred to as
the wave-particle duality. This concept is the
foundation of what we refer to as the quantum rev-
olution, since it was such a radical departure from
previous theories. We will discuss this point far-
ther in the next chapter.

2.5 | Stellar colors

We have seen that the color of a star can tell us
about the star’s temperature. However, we now
need a way of quantifying a color, rather than
just saying something is red, green or blue. For
example, if we compare two blue stars, how do we
decide which one is bluer?

We define two standard wavelength ranges,
centered at A; and A, and take the ratio of the
observed brightnesses, b(A;)/b(A,). We then con-
vert that brightness ratio into a magnitude dif-
ference (using equation (2.3)), giving

My — My = 2.5 10g10[b(A1)/b(A2)] (2.12)

We define the quantity m, — m, as the color,
measured in magnitudes, corresponding to the
wavelength pair, Ay, A,. For definiteness, let’s
assume that A, > A;. As we increase the tempera-
ture, b(A;)/b(A,) increases. This means that the
quantity m, — m, decreases, since the magnitude
scale runs backwards. If we know that an object is
radiating exactly like a blackbody, we need only
take the ratio of brightnesses at any two wave-
lengths to determine the temperature.

As we have said, we don’t really measure the
intensity of radiation at a wavelength. Instead, we
measure the amount of energy received in some
wavelength interval. We can control that wave-
length interval by using a filter that only passes
light in that wavelength range. When we use a
filter, we are actually measuring the integral of
I(A, T) over some wavelength range. Actually, the
situation is more complicated. The transmission of
any real filter is not 100% over the selected range,
and this must be factored in (see Problem 2.23).

Another complication is that continuous spec-
tra of stars do not exactly follow blackbody
curves. Therefore, observations through two fil-
ters are not generally sufficient to tell us the tem-
perature of the star. Over the years, a system of
standard filters has been developed, so that
astronomers at various observatories can com-
pare their results. The wavelength ranges of the
various filters are shown in Table 2.2. The most
commonly discussed filters are U (for ultraviolet)
B (for blue) and V (for visible, meaning the center
of the visible part of the spectrum). More recently,
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Table 2.2. ‘ Filter systems.

Filter  Peak wavelength (nm) ~ Width (nm)“
U 350 70
B 435 100
V 555 80
R 680 150
/ 800 150

“Full width at half maximum.

R (for red), and I (for infrared) have been added.
(There are actually a couple of filters in different
parts of the infrared.)

For example, the B — V color is defined by

B — V = 2.51o0gy [I(Ay) | I(Ap)] + constant

where I(Ay) and I(Ap) are the intensities averaged
over the filter ranges. (The constant is adjusted so
that B — V is zero for a particular temperature
star, designated AO. These designations will be
discussed in the next chapter.) As the tempera-
ture of an object increases, the ratio of blue to vis-
ible increases. This means that the B — V color
decreases (again because the magnitude scale runs
backwards.)

2.6 | Stellar distances

So far we have discussed how bright stars appear
as seen from Earth. However, the apparent bright-
ness depends on two quantities: the intrinsic
luminosity of the star and its distance from us.
(As we will see in Chapter 14, starlight is also
dimmed when it passes through clouds of inter-
stellar dust.) Two identical stars at different dis-
tances will have different apparent brightnesses.
If we want to understand how stars work, we
must know their total luminosities. This requires
correcting the apparent brightness for the dis-
tance to the star.

If we have a star of luminosity L, we can cal-
culate the observed energy flux at a distance d. If
no radiation is absorbed along the way, all the
energy per second leaving the surface of the star
will cross a sphere at a distance d in the same
time. It will just be spread over a larger area.
Therefore, the energy per second reaching d is

still L, but it is spread over an area of 47d” so the
energy flux, f, is

f=Lj4md® (2.13)

The received flux falls off inversely as the
square of the distance.

Unfortunately, distances to astronomical
objects are generally hard to determine. There is
a direct method for determining distances to
nearby stars. It is called trigonometric parallax, and
amounts to triangulation from two different
observing points. You can demonstrate parallax
for yourself by holding out a finger at arm’s
length and viewing it against a distant back-
ground. Look at the finger alternately using your
left and right eye. The finger appears to shift
against the distant background. Bring the finger
closer and repeat the experiment. The shift now
appears larger. If you could move your eyes far-
ther apart, the effect would be even greater.

Even the closest stars are too far away to
demonstrate parallax when we just use our eyes.
However, we can take advantage of the fact that
the Earth orbits the Sun at a distance defined to be
one astronomical unit (AU). Therefore, if we observe
a star and then observe it again six months later,
we have viewing points separated by 2 AU. The sit-
uation is illustrated in Fig. 2.6. We note the posi-
tion of the star against the background of distant
stars, and then six months later we note the angle
by which the position has shifted. If we take half
of the value of this angle, we have the parallax
angle, p.

Once we know the value of p, we can construct
aright triangle with a base of 1 AU and the other
leg being the length, d, the unknown distance to
the star. From the right triangle, we can see that

tan p = 1 AU/d (2.14)

Since p is small, tan(p) = p (rad), which is the
value of p, measured in radians. Equation (2.14)

then gives us
p(rad) = 1 AU/d (2.15)

It is not very convenient measuring such
small angles in radians, so we convert to arc sec-
onds (see Box 2.1):

p(") = 2.06 X 10°p(rad)
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m Geometry for parallax measurements. The figure

is not to scale. In reality the distance to the star, d, is much
greater than | AU, so the parallax angle, p, would normally

be very small.

where p(”) is the parallax angle measured in arc
seconds. Substituting this into equation (2.15)
gives

d/1 AU = 2.06 X 10°/p(") (2.16)

This gives the distance to the starin AU (1 AU =
1.50 X 108 km).

This method suggests a convenient unit for
measuring distances. We define the parsec (abbre-
viated pc) as the distance of a star that produces
a parallax angle p of 1 arc sec. From equation
(2.16), we can see that 1 pc = 2.06 X 10° AU (or
3.09 X 10" km, or 3.26 light years). We rewrite
equation (2.16) as

d(pc) = 1/p(")

Remember, as an object moves farther away,
the parallax angle decreases. Therefore, a star at
a distance of 2 pc will have a parallax angle of
0.5 arc sec.

(2.17)

Box 2.1. | Angular measure

The natural unit for measuring angles is the radian. If we
have a circle of radius R, and two lines from the center
making an angle 6 with each other, then the length of the
arc bounded by the two lines is

L = 6(rad)R

where 6(rad) is the value of  measured in radians. Since
the full circumference of a circle is 277R, the angle corre-
sponding to a full circle must be 271 radians. This tells us
that a full circle, that is 360° is equal to 2 radians, or
180° is equal to 7 radians. In astronomy, we often deal
with very small angles, and measurements in arc seconds
(") are convenient. We can convert measurements by
saying
180° 60" 60"

[ I

0(") = 6(rad) g

= 206 X 10°4(rad)

When we take the derivatives of trigonometric func-
tions (for example, d(sin 6)/d6 = cos 0), it is assumed
that the angles are in radians. If not, a conversion factor
must be carried through the differentiation.

When angles expressed in radians have a value that
is much less than unity, we can use a Taylor series to
approximate them:

. . d(sinf")
sin(6) = sin (0) + 0 a0 ‘ 0=0
= 6 cos(0)
=0
d(tan@")
tan(f) = tan (0) + 0 T ‘ 0=0
=6 secz(O)
=0
d(cosh")
cos() = cos (0) + 6 T ‘ 6=0
=1 — 6 sin(0)

Note that for small 6, sin 6 and tan 6 are both approxi-
mately equal to 6, so they must be equal to each other.
(Remember; in each of the above expressions, # must be
expressed in radians.)
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Example 2.3 Distance to the nearest star

The nearest star (Proxima Centauri) has a parallax
p = 0.76 arc sec. Find its distance from Earth in
parsecs.

SOLUTION
We use equation (2.17) to give
d(pc) = 1/(0.76)

d =1.32pc

With current ground-based equipment, we can
measure parallax to within a few hundredths of
an arc second. Parallax measurements are there-
fore useful for the few thousand nearest stars.
They are a starting point for a very complex system
of determining distances to astronomical objects.
We will encounter a variety of distance determi-
nation methods throughout this book. The
trigonometric parallax method is the only one
that is direct and free of any assumptions. For this
reason, astronomers would like to extend their
capability for measuring parallax. The Hipparcos
satellite measures parallaxes to 10> arc sec.

2.7 | Absolute magnitudes

The magnitudes discussed in Section 2.1, based on
observed energy fluxes, are called apparent magni-
tudes. In order to compare intrinsic luminosities of
stars, we define a system of absolute magnitudes. The
absolute magnitude of a star is that magnitude
that it would appear to have as viewed from a stan-
dard distance, d,. This standard distance is chosen
to be 10 pc. From this definition, you can see that if
a star is actually at a distance of 10 pc, the absolute
and apparent magnitudes will be the same.

To see how this system works, consider two
identical stars, one at a distance d and the other
at the standard distance d,. We let m be the appar-
ent magnitude of the star at distance d, and M
that of the star at distance d,. (Of course, M will
be the absolute magnitude for both stars.) The
energy flux falls off inversely as the square of the
distance, therefore the ratio of the flux of the star
at d to that from the star at d, is (do/d)* . Equation
(2.3) then gives us

m — M = 2.5 log,o(d/do)*

Using the fact that log(x* ) = 2 log(x) gives

m = M + 5 logy0(d/10 pc) (2.18)

The quantity 5 logy,(d/10 pc), which is equal to
(m — M), is called the distance modulus of the star.
It indicates the amount (in magnitudes) by which
distance has dimmed the starlight. If you know
any two of the quantities (m, M or d) you can use
equation (2.18) to find the third. For any star that
we can observe, we can always measure m, its
apparent magnitude. Therefore, we are generally
faced with knowing M and finding d or knowing
d and finding M. In the next chapter we will look
at some ways of determining M.

Example 2.4 Absolute magnitude
A star is at a distance of 100 pc, and its apparent
magnitude is +5. What is its absolute magnitude?

SOLUTION
We use equation (2.18) to find

M = m — 5log (d/10 pc)

5 — 5 log (100 pc/10 pc)
=5 — 5log (10)

=0

We should note that changing the distance of
a star changes its apparent magnitude, but it
does not change any of its colors. Because colors
are defined to be differences in magnitudes, each
is changed by the distance modulus. For example,
using equation (2.18)

mg = Mg + 5 log (d/10 pc)
my = My + 5 log (d/10 pc)
Taking the difference gives
myg — My = Mp — My

Therefore, the distance modulus never appears in
the colors.

When we talk about determining an absolute
magnitude, we are really only determining it over
some wavelength range, corresponding to the
wavelength range of the observations. We would
like to have an absolute magnitude that corre-
sponds to the total luminosity of the star. This
magnitude is called the bolometric magnitude of
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the star. (As we will see in Chapter 4, a bolometer
is a device for measuring the total energy received
from an object.) For any type of star, we can define
a number, called the bolometric correction (abbrevi-

ated BC), which relates the bolometric magnitude
to the absolute visual magnitude My. Therefore

Mgor = My + BC (2.19)

Chapter summary

We saw in this chapter what can be learned from
the brightness and spectrum of the continuous
radiation from stars.

We introduced a logarithmic scale, the mag-
nitude scale, for keeping track of brightness.
Apparent magnitude is related to the observed
energy flux from the star, and the absolute mag-
nitude is related to the intrinsic luminosity of
the star.

We saw how, even though stars are obvious to
us in the visible part of the spectrum, they, and
other astronomical objects, give off radiation in
other parts of the spectrum. The richness of infor-
mation in other parts of the spectrum is a theme
that we will come back to throughout the book.

We introduced the concept of a blackbody,
which is useful because the continuous spectrum
of a star closely resembles that of a blackbody.
Hotter bodies give off more power per unit sur-

Questions

face area than cooler ones (as described by the
Stefan-Boltzmann law), and also have their spec-
tra peaking at shorter wavelengths (as described
by Wien’s displacement law). We saw how
attempts to understand the details of blackbody
spectra (Planck’s law) contributed to the idea of
light coming in bundles, called photons, with
specific energies. With a knowledge of blackbody
spectra, we saw how stellar colors can be used to
deduce stellar temperatures.

We saw how finding the distances to astro-
nomical objects is very important, but can be
quite difficult. If we don’t know the distance to
an object, we cannot convert its apparent bright-
ness into a luminosity. We introduced one
method of measuring distances - trigonometric
parallax. It is the most direct method, but only
works for nearby stars. The problem of distance
determination will come up throughout the book.

2.1. Why is the magnitude scale logarithmic?

2.2. Are there any other types of measurements
that we encounter in the everyday world that
are logarithmic? (Hint: Think of sound.)

2.3. Why are astronomical observations potentially
useful in measuring the speed of light?

2.4. What are the factors that have resulted in
early astronomical observations being in the
“visible” part of the spectrum?

2.5. What do we mean by “atmospheric window”?
2.6. Why was Maxwell’s realization that a varying
electric field can create a magnetic field
important in understanding electromagnetic

waves?

2.7. (a) Estimate the number of people on Earth
who are exactly 2 m tall. (By “exactly” we
mean to an arbitrary number of decimal
places.) (b) How does this relate to the way we
define the intensity function I(A)?

2.8. What are the different ways in which the
word “spectrum” is used in this chapter?

2.9. Give some examples of objects whose spectra
are close to that of blackbodies.

2.10. How can we determine the temperature of a
blackbody?

2.11. If the peak of a blackbody spectrum shifts to
shorter wavelengths as we reach higher tem-
peratures, how can it be that a hotter black-
body gives off more energy at all wavelengths
than a cooler one?

2.12. What is the evidence for the existence of
photons?

2.13. Explain how we quantify the concept of color.

2.14. What is the value of using standard filters in

looking at stellar spectra?

Suppose you could communicate with an

astronomer on a planet orbiting a nearby

star. (The astronomer is native to that planet,

2.15.
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rather than having traveled from Earth.) You
determine the distance to the star (by
trigonometric parallax) to be 2 pc. The distant
astronomer says that you are wrong; the dis-
tance is only 1 pc. What is the problem?

Problems

2.16.

How would parallax measurement improve if
we could do our observations from Mars?

2.17. As we determine the astronomical unit more

accurately, how does the relationship
between the AU and the parsec change?

2.1.

2.2,

2.3.

2.4.

2.5.

2.6.

2.7.

2.8.

2.9.

What magnitude difference corresponds to a
factor of ten change in energy flux?

One star is observed to have m = —1 and
another has m = +1. What is the ratio of
energy fluxes from the two stars?

The apparent magnitude of the Sun is —26.8.
How much brighter does the Sun appear than
the brightest star, which has m = —1?

(a) What is the distance modulus of the Sun?
(b) What is the Sun’s absolute magnitude?
Suppose two objects have energy fluxes, f and
f+ Af, where Af << f. Derive an approximate
expression for the magnitude difference Am
between these objects. Your expression should
have Am proportional to Af. (Hint: Use the
fact that In (1 + x) = x when x < 1.)

Show that our definition of magnitudes has
the following property: If we have three stars
with energy fluxes, f; , f, and f5 , and we
define

my — my = 2.5 logqo(f1/f2)

mg — my = 2.5 10g10(f2[f3)
then

mg — my = 2.5 logqo(f1/f3)

Suppose we measure the speed of light in a
laboratory, with the light traveling a path of
10 m. How accurately do you have to time the
light travel time to measure c to eight signifi-
cant figures?

Let Ay and Ay(v4, v,) be the wavelength (fre-
quency) limits of the visible part of the spec-
trum. Compare (A1 — A,)/(A; + A,) with (v

— 1y)/(v; + v,). Comment on the significance.
(a) Calculate the frequencies corresponding
to the wavelengths 500.00 nm and 500.10 nm.
Use these to check the accuracy of equation
(2.10a). (b) Repeat the process for the second

wavelength being 501.00 nm and 510.00 nm.
What do you conclude?

*2.10.(a) Use equation (2.9) to derive v,,,, the fre-

2.11.

2.12.

2.13.

2.14.

2.15.

2.16.

2.17.

2.18.

2.19.

quency at which I(», T) peaks. Convert this
Vmax ito @ wavelength A,,... (b) Use equation
(2.10c) to find the wavelength at which it
peaks. (c) How do the results in (a) and (b)
compare?

For a 300 K blackbody, over what wavelength
range would you expect the Rayleigh-Jeans
law to be a good approximation?

Derive an approximation for the Planck func-
tion valid for high frequencies (hv >=> kT).

As we will see in Chapter 21, the universe is
filled with blackbody radiation at a tempera-
ture of 2.7 K. (a) At what wavelength does the
spectrum of that radiation peak? (b) What
part of the electromagnetic spectrum is this?
(a) We observe the blackbody spectrum from
a star to peak at 400 nm. What is the temper-
ature of the star? (b) What about one that
peaks at 450 nm?

Derive an expression for the shift AA in the
peak wavelength of the Planck function for a
blackbody of temperature T, corresponding to
a small shift in temperature, AT.

Calculate the energy per square centimeter
per second reaching the Earth from the Sun.
How does the absolute magnitude of a star
vary with the size of the star (assuming the
temperature stays constant)?

(a) What is the energy of a photon in the
middle of the visible spectrum (A = 550 nm)?
(b) Approximately how many photons per sec-
ond are emitted by (i) a 100W light bulb,

(ii) the Sun?

If we double the temperature of a blackbody,
by how much must we decrease the surface
area to keep the luminosity constant?

"An asterisk denotes a harder Problem or Question. The convention continues throughout the book.
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2.20. (a) How does the absolute bolometric magni-
tude vary with the temperature of a star
(assuming the radius stays constant)? (b) Does
the absolute visual magnitude vary in the
same way?

*2.21.For a star of radius R, whose radiation follows
a blackbody spectrum at temperature T, derive
an expression for the bolometric correction.

2.22. Suppose we observe the intensity of a black-
body, I,, in a narrow frequency range cen-
tered at v,. Find an expression for T, the tem-
perature of the blackbody in terms of I, and
vo. () First do it in the Rayleigh-Jeans limit
and (b) in the general case.

*2.23.Suppose we receive light from a star for
which the received energy flux is given by the
function f(A). Suppose we observe the star
through a filter for which the fraction of
light transmitted is t(A). Derive an expression
for the total energy detected from the star.
(Hint: Start by thinking of the energy
detected in a small wavelength range.)

2.24. What is the distance to a star whose parallax
is 0.1 arc sec?

2.25. Derive an expression for the distance of an
object as a function of the parallax angle seen
by your eyes?

2.26. (a) If we can measure parallaxes as small as
0.1 arc sec, what is the greatest distance that

Computer problems

2.27.

2.28.

2.29.

2.30.

can be measured using the method of
trigonometric parallaxes? (b) By what factor
will the volume of space over which we can
measure parallax change if we can measure
to 0.001 arc sec? (c) Why is the volume of
space important?

If we lived on Mars instead of the Earth, how
large would the parsec be?

Suppose we discover a planet orbiting a
nearby star. The distance to the star is 3 pc.
We observe the angular radius of the planet’s
orbit to be 0.1 arc sec. How many AU from
the star is the planet? (Hint: You can solve
this problem by “brute force”, converting all
the units. For an easier solution, think about
what the answer would be if the star were 1
pc from us and the angular radius of the
orbit were 1 arc sec, and then scale the result
accordingly.)

Derive an expression for the distance to a star
in terms of its distance modulus.

If we make a 0.05 magnitude error in measur-
ing the apparent magnitude of a star, what
error does that introduce in our distance
determination (assuming its absolute magni-
tude is known exactly)?

2.1. Make a fourth column for Table 2.1, showing the
range of photon frequencies for each part of the
spectrum. Make a fifth column showing the range
of photon energies for each part of the spectrum.
Make a sixth column showing the temperatures
that blackbodies would have to peak at the wave-
lengths corresponding to the boundaries between
the parts of the spectrum

2.2. Make a graph of the magnitude difference Mz — My,
as a function of temperature for a temperature
range of 3000 K to 30 000 K. To simplify the calcu-

2.3.

24.

lation you may assume that magnitudes are deter-
mined in a narrow range of wavelengths around
the peak of each filter.

For the Sun, plot the difference between the
Rayleigh-Jeans approximation and the Planck for-
mula, as a function of wavelength, for wavelengths
in the visible part of the spectrum.

For the Sun, calculate the energy given off over the
wavelength bands that correspond to the U, B and
V filters. Use this to estimate the colors U — B and
B—-V.






Chapter 3

Spectral lines in stars

In Chapter 2 we discussed the continuous spectra
of stars and saw that they could be closely
described by blackbody spectra. In this chapter,
we will discuss the situations in which the spec-
trum shows an increase or decrease in intensity
over a very narrow wavelength range.

3.1 | Spectral lines

We know that if we pass white light through a
prism, light of different colors (wavelengths) will
emerge at different angles with respect to the ini-
tial beam of light. If we pass white light through
a slit before it strikes the prism (Fig. 3.1), and
then let the spread-out light fall on the screen, at
each position on the screen we get the image of
the slit at a particular wavelength.

Both William Hyde Wollaston (1804) and Josef von
Fraunhofer (1811) used this method to examine
sunlight. They found that the normal spectrum
was crossed by dark lines. These lines represent
wavelengths where there is less radiation than at
nearby wavelengths. (The lines are only dark in
comparison with the nearby bright regions.) The
linelike appearance comes from the fact that, at
each wavelength, we are seeing the image of the
slit. It is this linelike appearance that leads us to
call these features spectral lines. If we were to make
a graph of intensity vs. wavelength, we would
find narrow dips superimposed on the continuum.
The solar spectrum with dark lines is sometimes
referred to as the Fraunhofer spectrum. Fraunhofer

gave the strongest lines letter designations that
we still use today.

The origin of these lines was a mystery for
some time. In 1859, the German chemist Gustav
Robert Kirchhoff noticed a similar phenomenon in
the laboratory. He found that when a beam of
white light was passed through a tube containing
some gas, the spectrum showed dark lines. The
gas was absorbing energy in a few specific narrow
wavelength bands. In this situation, we refer to
the lines as absorption lines. When the white light
was removed, the spectrum showed bright lines,
or emission lines, the wavelengths where absorp-
tion lines had previously appeared. The gas could
emit or absorb energy only in certain wavelength
bands.

Kirchhoff found that the wavelengths of the
emission or absorption lines depend only on the
type of gas that is used. Each element or com-
pound has it own set of special wavelengths. If
two elements which don’t react chemically are
mixed, the spectrum shows the lines of both ele-
ments. Thus, the emission or absorption spec-
trum of an element identifies that element as
uniquely as fingerprints identify a person. This
identification can be carried out without under-
standing why it works.

Whether we see absorption or emission depends
in part on whether or not there is a strong enough
background source providing energy to be absorbed
(Fig. 3.2). The strength of the spectral lines also
depends on how much gas is present and on the
temperature of the gas. Sample emission and
absorption spectra of stars are shown in Fig. 3.3.
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Screen

m If we allow white light to fall all over a prism, the

red from one part will overlap the blue from another part,

and we can't see a clear spectrum. Instead, we pass white
light through a slit first. The beam of light is then spread out
as it passes through the prism. On the screen, we are seeing
a succession of images of the slit in different colors. If there
is a color missing from the white light, this will show up as a
gap on the screen in the shape of the slit.

3.2 | Spectral types

When spectra were taken of stars other than
the Sun, they also showed absorption spectra.
Presumably, the continuous radiation produced
in a star passes through an atmosphere in which
the absorption lines are produced. Not all stars
have absorption lines at the same wavelength.
Astronomers began to classify and catalog the
spectra, even though they still did not understand
the mechanism for producing the lines. This points
out an important general technique in astronomy -
studying large numbers of objects to look for gen-
eral trends. In one very important study, over
200 000 stars were classified by Annie Jump Cannon
at the Harvard College Observatory. The benefactor
of that study was Henry Draper, and the catalog of
stellar spectra was named after him. The stars in
this catalog are still known by their HD numbers.
One set of spectral lines common to many
stars was recognized as belonging to the element
hydrogen. The stars were classified according to
the strongest hydrogen absorption lines. In this
system, A stars have the strongest hydrogen lines,

il
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Wavelength
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Atoms & Molecules
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Conditions for the formation of emission and

absorption lines. (a) We look at a cloud of gas with the
atoms or molecules capable of producing spectral lines. Since
there is no continuum radiation to absorb, we can only have
emission. (b) We now look through the gas at a background
continuum source. This can produce absorption lines.

B stars the next strongest, and so on. These letter
designations were called spectral classes or spectral
types. We now know that the different spectral
types correspond to different surface tempera-
tures. However, the sequence A, B, ... is not a
temperature-ordered sequence. For reasons we
will discuss below, hydrogen lines are strongest in
intermediate temperature stars.

The spectral classes we use, in order of decreas-
ing temperature, are O, B, A, F, G, K, M. We break
each of these classes into ten subclasses, identified
by a number from zero to nine; for example, the
sequence 07, 08, 09, B0, B1,B2,...,B9,A0, A1, ....
(For O stars the few hottest subclasses are not
used.) For some of the hotter spectral types, we
even use half subclasses, for example, B1.5. It was
originally thought that stars became cooler as
they evolved, so that the temperature sequence
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’m Samples of stellar spec-

tra. These are high resolution
spectra, with the visible part of
the spectrum (400 to 700 nm)
broken into 50 slices.Wavelength
increases from left to right along

each strip and from bottom to

top. (a) Procyon, also known as

Alpha Canis Majoris (the brightest
star in Canis Major). It has spec-
tral type F5 (see Section 3.2),
making it a little warmer than the
Sun. (b) Arcturus, also known as
Alpha Bootes. It is spectral type
K1, being cooler than the Sun.
[NOAO/AURA/NSF]

was really an evolutionary sequence. Therefore,
the hotter spectral types were called early and the
cooler spectral types were called late. We now
know that these evolutionary ideas are not cor-
rect. However, the nomenclature still remains. We
even talk about a BO or B1 star being ‘early B’ and
a B8 or B9 as being a ‘late B’.

3.3 | The origin of spectral lines

The processes that result in atoms being able to
emit or absorb radiation at certain wavelengths

(b)

are tied to the nature of matter and light. In
Chapter 2, we saw the beginnings of the quantum
revolution with the realization that light exhibits
both particle and wave properties. We now see
how the ideas of quantization apply to the struc-
ture of the atom.

The modern picture of the atom begins with
the experiments of Ernest Rutherford, who studied
the scattering of alpha particles (helium nuclei)
off gold atoms. Most of the alpha particles passed
through the gold atoms without being deflected,
suggesting that most of the atom is empty space!
Some alpha particles were deflected through
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large angles, suggesting a concentration of posi-
tive charge at the center of each atom. This con-
centration is called the nucleus. A sufficient num-
ber of electrons orbit the nucleus to keep the
atom electrically neutral.

There were still some problems with this pic-
ture. It did not explain why electron orbits were
stable. Classical electricity and magnetism tells
us that an accelerating charge gives off radiation.
An electron going in a circular orbit is accelerat-
ing, since its direction of motion is always chang-
ing. Therefore, as the electrons orbit, they should
give off radiation, lose energy and spiral into the
nucleus. This is obviously not happening. The sec-
ond problem concerns the origin of spectral
lines. There is nothing in the Rutherford model
of the atom that allows for spectral lines.

The arrangement of spectral lines in a partic-
ular element is not random. For example, in 1885,
Johann Jakob Balmer, a Swiss teacher, realized that
there was a regularity in the wavelengths of the
spectral lines of hydrogen. They obeyed a simple
relationship which became known as the Balmer
formula:

1/]A= R(1/2* — 1/n?)

The constant R is called the Rydberg constant,
and its value is given by 1/R = 91.17636 nm. The
quantity n is any integer greater than two. By set-
ting n to 3, 4, ..., we obtain the wavelengths for
the visible hydrogen lines (also known as the
Balmer series). Of course, this was just an empirical
formula, with no theoretical justification.

Example 3.1 First Balmer line

Calculate the wavelength of the longest wavelength
Balmer line. This line is known as the Balmer-
alpha, or simply Ha.

SOLUTION
We let n = 3 in equation (3.1) to obtain

1A= R(1/2* — 1/3?)
Substituting for R and inverting gives
A= 656.47 nm

This is the wavelength as measured in a vacuum.
We generally refer to the wavelength in air, since
that is how we measure it at a telescope. The wave-
length in air is that in vacuum divided by the

index of refraction of air, 1.000 29, giving

656.28 nm. (It is interesting to note that when spec-
troscopists tabulate wavelengths, those longer than
200 nm are given as they would be in air, since that
is how they usually will be measured. Radiation
with wavelengths less than 200 nm doesn’t pene-
trate through air, and its wavelengths are usually
measured in a vacuum, so the vacuum values are
tabulated.)

3.3.1 The Bohr atom

The next advancement was by the Danish physi-
cist Neils Bohr who tried to understand hydrogen
(the simplest atom), illustrated in Fig. 3.4. He pos-
tulated the existence of certain stationary states. If
the electron is orbiting in one of these states, the
atom is stable. Each of these states has a particu-
lar energy. We can let the energy of the nth state
be E, and the energy of the mth state be E,,. For
definiteness, let E,, > E,,.

Under the right conditions, transitions between
states can take place. If the electron is in the
higher energy state, it can drop down to the lower
energy state, as long as a photon is emitted with
an energy equal to the energy difference between

4th Orbit

3rd Orbit

2nd Orbit

1st Orbit

Nucleus

The Bohr atom. Electrons orbit the nucleus in

allowed orbits. The relative sizes of the orbits are correct,
but on this scale the nucleus should be much smaller.
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the two states. If the frequency of the photon is v,
this means that

hv =E, — E,

If the electron is in the lower energy state, it
can make a transition to the upper state if the
atom absorbs a photon with exactly the right
energy. This explanation incorporated Einstein’s
idea of photons.

Bohr pointed out that one could calculate the
energies of the allowed states by assuming that
the angular momentum J of the orbiting elec-
trons is quantized in integer multiples of h/2.
The combination h/27 appears so often we give it
its own symbol, h (spoken as ‘h-bar’). We apply
this to a hydrogen atom, with an electron, with
charge —e, orbiting a distance r from a nucleus
with charge +e. We assume that the nucleus is
much more massive than the electron, so we can
ignore the small motion of the nucleus, since
both the nucleus and electron orbit their com-
mon center of mass.

We first look at the kinetic energy

The potential energy, relative to the potential
energy being zero when the electron is infinitely
far from the nucleus, is given by

PE = —e?r

(By writing the potential energy in this form,
rather than with a factor of 1/4we,, we are using
cgs units. This means that charges are expressed
in electrostatic units, esu, with the charge on the
electron being 4.8 X 10~ ™ esu.) The total energy
is the sum of kinetic and potential:

E = (1/2)mv* — &¥Jr (3.2)

We can relate v and r by noting that the elec-
trical force between the electron and the nucleus,
¢%/r*, must provide the acceleration to keep the
electron in the circular orbit, v?r. This tells us
that

mv2lr = e

Multiplying both sides of the equation by r
gives

(3.3)

We put this into equation (3.2) to find the total
energy in terms of r:

E = —(1)2)ér (3.4)

The minus sign indicates that the total energy is
negative. To see what this means, remember that
we have defined the potential energy such that it
is zero when the electron and proton are infi-
nitely far apart. The electron and proton being far
apart with no motion is the minimal condition
for the electron being free of the proton. So, if the
electron is barely free of the proton, the total
energy would be zero. So, if the total energy is
negative, as in equation (3.4), then we must add
energy [(1/2)e?/r] if we want to bring it up to zero,
which would free the electron. So the negative
energy means that the electron is not free. In this
case we say that the system is bound.

We still have to find the allowed values of r.
The angular momentum is | = mvr. The quantiza-
tion condition becomes

mvr = nh2
Solving for v gives
v = nh|27 mr
Squaring and multiplying by m gives
mv® = n*h?f4m? mr?
By equation (3.2), we have
e*lr = n*h?jam?® mr?
We now solve for r, giving the radius of the nth
orbit:
r, = n*h?4m*me* (3.5)

Substituting into equation (3.4) gives the energy
of the nth state:

E, = —(1/2)e*m(4m?)n*h? (3.6)

Note that this has the 1/n* dependence that we
would expect from the Balmer formula.

One modification that we should make is to
account for the motion of the nucleus (since it is
not infinitely massive). We should replace the
mass of the electron, m, in equations (3.5) and
(3.6) by the reduced mass of the electron and pro-
ton. The reduced mass, m,, is defined such that
the motion of the electron, as viewed from the
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(moving) proton, is as if the proton were fixed
and the electron’s mass is reduced to m,. An
expression for m, is (see Problem 3.2)

mem,

m

me + m,

= 0.9995 m,

where m, and m,, are the masses of the electron
and proton, respectively.

Example 3.2 Hydrogen atom energy

Compute the energy of the lowest (ground) energy
level in a hydrogen atom. Also, find the radius of
the orbit of the electron in that state.

SOLUTION

We use equation (3.6) with n = 1 to give

—(1/2)(4.8 X 107 esu)*(9.11 X 10~ g)(47?)
(1)%(6.63 X 10~ ¥ erg s)*

E, =

—22%X10 Merg

An erg is not a convenient unit to use to keep
track of such small energies, so we convert to
electron volts, eV (1 eV = 1.6 X 10~ '? erg, is the
energy acquired by an electron in being acceler-
ated through a potential difference of 1 volt),
giving

E, = —13.6 eV

The radius is given by equation (3.5):

B (6.23 X 10" *erg s)?
(911 X 107 %8g)(4.8 X 10 esu)*(47?)

61

=5.25X 10 °cm

= 0.0525 nm

Note that if we take n = o in equation (3.6) we
get E = 0. However, n = o corresponds to a free
electron. Therefore, to move the electron far from
the nucleus, we must add 13.6 eV. The energy that
we must add to an atom to break it apart is called
the binding energy. The energy goes to do work
against the electrical attraction between the elec-
tron and the nucleus as you try to pull the elec-
tron away.

Now that we have evaluated E,, we can rewrite
equation (3.6) as

E, = —13.6 eV/n? (3.7a)

It is then very easy to calculate the energies of
the other levels. For example, E, = —3.4 eV.
Therefore the energy difference, E, — E; is equal
to 10.2 eV. The energy levels are shown in Fig. 3.5.
This diagram is a convenient graphical representa-
tion of energy levels, called an energy level diagram.
In this diagram the levels are plotted as horizon-
tal lines with vertical locations proportional to
the energy. We can draw vertical arrows indicat-
ing possible transitions between the levels. The
length of the arrow would then indicate the
energy change associated with that transition.
Note that the levels are closer together as one
goes to higher values of n.

Since the zero of potential energy is arbi-
trarily defined, we sometimes choose to shift
the energy scale by the binding energy (13.6 eV
for hydrogen). This would make the energy of
the ground state (n = 1) zero, and for then = 2
state, +10.2 eV. A free electron would then have

n

0 - ------ 7

I 3

2

— Balmer

>
[5)
-’
>
=1)]
[
5
=
=

—-13.6 1

Lyman

m Hydrogen energy levels. The right hand column
gives the principal quantum number, n.The energies are rela-

tive to the state in which the electron and proton are infi-
nitely far apart, so the ground state energy is —13.6 eV.
Transitions (which can be either emission or absorption) are
grouped according to the lower level of the transition. For
example, the Balmer series consists of emissions with the
electrons ending in state n = 2, and absorptions starting in
the n = 2 state.
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an energy of +13.6 eV, or greater. The values of
the energy differences between these states are
unaffected by this shift in the zero point of the
energy.

We can use equation (3.6) to derive the Balmer
formula. First, we rewrite the equation as

E, = —hcR/n* (3.7b)
where
R = (1/2)e*m(4m?)[ch® (3.7¢)

The energy of an emitted or absorbed photon
must equal the energy difference between the
two states:

E,—E,=hv
= hc/A
Taking the energies from equation (3.7b) gives

1/A = R(1/m? — 1/n?) (3.8)

which looks very similar to the Balmer formula,
except that the Balmer formula has a 2 instead of
the m. This means that the Balmer series all have
the second energy level as their lower level.

We can use equation (3.8) to divide the hydro-
gen spectrum into different series. A given series
is characterized by having the same lower energy
state. For example, the Balmer series consists of
absorptions accompanying transitions from level
2 to any higher levels, and emissions accompany-
ing transitions from higher levels down to level 2.
The first Balmer transition (involving levels 2 and
3) has the smallest energy difference of the series.
(Clearly the energy difference between levels 2
and 3 is less than the energy difference between
levels 2 and 4, or between levels 2 and 5, and so
on.) The Balmer series is important because the
first few transitions fall in the visible part of the
spectrum. The series with the lower energy level
being level 1 is called the Lyman series. Even the
lowest transition in the Lyman series is in the
ultraviolet.

We have developed a labeling system for vari-
ous transitions. First we give the chemical symbol
for the element (e.g. H for hydrogen). Then we
give the m for the lowest level that characterizes
the series (1 for Lyman, 2 for Balmer, etc.). Finally,
we give a Greek letter denoting the number of
levels jumped. For example, if n = m + 1, we have

an alpha (a) transition; if n = m + 2, we have a
beta (B) transition. The first Balmer line is then
designated H2a. (Note that for the Balmer series
of hydrogen only, we sometimes drop the 2 and
just say Ha, HB, etc.)

3.3.2 Quantum mechanics

The Bohr model of the atom allowed physicists to
understand the organization of energy levels.
However, it was far from a complete theory. One
shortcoming was that it did not explain why
some spectral lines are stronger than others.
More fundamentally, it was an ad hoc theory. Bohr
had no explanation of why stationary states exist,
or why angular momentum must be quantized in
some particular way. These were just postulates.
A much deeper understanding was needed.

An important step was made by Louis de
Broglie, who proposed the revolutionary idea that
if light could exhibit a wave-particle duality,
then maybe all matter could. That is, an electron
orbiting a nucleus has certain wavelike proper-
ties, and it is those properties that determine the
states that are stable. One could think of the elec-
tron as having a certain wavelength. Stationary
states could be those whose circumference con-
tained an integral number of wavelengths, pro-
ducing a pattern that reinforced during each
orbit (like a standing wave). It was necessary to
have expressions for the wavelength and fre-
quency of a particle, and de Broglie noted that if
the wavelength was taken as h/p (where p is the
momentum of the particle) and the frequency as
Efh, then the orbits allowed by the standing wave
idea were the same as the orbits that Bohr found
from his postulates (see Problem 3.8).

This is clearly a departure from our normal
way of looking at matter around us, and we can-
not go through all of the ramifications here. To
this point, we have gone far enough to under-
stand stellar spectra. The picture as presented by
Bohr and de Broglie is quantum theory in its
most naive form. It was realized that if particles
behave, in some fashion, like waves then the
description of particle motions (mechanics) must
be changed from Newton’s laws of motion to laws
of motion involving waves. (Of course, in the
limit of large objects, such as apples falling to
Earth, these new laws of motion must reduce to



32

PART | PROPERTIES OF ORDINARY STARS

Newton’s laws, because we know that Newton’s
laws work quite well for apples and planets.)
Theories that describe the mechanics of waves
are called wave mechanics or quantum mechanics.
One such theory was presented in 1925 by the
German physicist Erwin Schriodinger. In his theory
the information about the motion of a particle is
contained in a function, called a wave function.
Schrodinger’s interpretation of the wave func-
tion was that it is related to the probability of find-
ing a particle in a particular place with a partic-
ular momentum. This replaced the absolute
determinism of classical physics, with the state-
ment that we can only predict where a particle is
likely to be, but not exactly where it will be.
However, we can predict the average positions
and momenta of a large group of particles, and it
is these average properties that we see (and meas-
ure) in our everyday world. Many physicists
(including Einstein) were not comfortable with
this probabilistic interpretation, but quantum
theory has been very successful in predicting the
outcome of a wide variety of experiments. We
will pick up on some of the threads of the quan-
tum revolution later in this book.

3.4 | Formation of spectral lines

Now that we have some idea of how atoms can
emit or absorb radiation, we can return to stellar
spectra. The first point to realize is that in a star
we are not talking about the radiation from a sin-
gle hydrogen atom, but from a large number of
them. We see a strong Ha absorption line in stars
because many photons are removed from the con-
tinuum by this process. It is clear, however, that
having a lot of hydrogen does not assure us of a
strong Ha absorption. In order for such absorp-
tion to take place, a significant number of atoms
must be in level 2, ready to absorb a photon. If all
the hydrogen is in level 1, you will not see the
Balmer series, no matter how much hydrogen is
present.

3.4.]1 Excitation

In general, the strength of a particular transition
(emission or absorption) will depend on the num-
ber of atoms in the initial state for that transi-

tion. The number of atoms per unit volume in a
given state is called the population of that state. In
this section we look at the factors that determine
the populations of the various states. We refer to
processes that can alter the populations as excita-
tion processes. We have already seen one type of
excitation process — the emission and absorption
of photons. Electrons can jump to a higher level
when a photon is absorbed or they can jump to a
lower level when a photon is emitted.

Populations can also be changed by collisions
with other atoms, as illustrated in Fig. 3.6. For
example, atom 1 can be in state i. It then under-
goes a collision with atom 2, and makes a transi-
tion to a higher state, j. In the process the kinetic
energy of atom 2 is decreased by the difference
between the energies of the two states in atom 1,
E; — E;. The reverse process is also possible, with
atom 2 gaining kinetic energy and atom 1 drop-
ping from state j to state i.

(a)

N

Before

(b)

Collisional excitation. In each case, the left frame
shows the atoms before the collision and the right frame
shows them after. In each frame, the occupied level is indi-
cated by a heavier line. (a) To a lower state. After the colli-
sion, atom | is in a lower state and atom 2 is moving faster.
(b) To a higher state. After the collision atom, | is in a higher
state and atom 2 is moving slower.
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The collisional excitation rates will depend on
the kinetic temperature of the gas. The higher
the temperature the faster the atoms are moving.
For atoms of kinetic temperature Ty the average
kinetic energy per atom is (3/2)kTy. As the tem-
perature increases more energy is available for
collisions. This makes higher energy states easier
to reach. Also, since the particles are moving
faster, they spend less time between collisions.
There are more collisions per second.

When a gas is in thermodynamic equilibrium
(which we discussed in the previous chapter),
with a kinetic temperature Ty, the ratios of the
level populations are given by a Boltzmann distri-
bution. If we let n; and n; be the populations of lev-
els i and j, respectively, their ratio is given by
il = & e ~LE—E)/KT (3.9)
n &

In this equation g; and g; are called statistical
weights. They are needed because certain energy
levels are actually groupings of sublevels that
have the same energy. The statistical weight of a
level is just a count of the number of sublevels in
that level. Typically, g are small integers.

To help us understand the Boltzmann distri-
bution, Fig. 3.7 shows how the ratio of popula-
tions for an atom with just two levels depends on
temperature. When the temperature is zero, all
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Level populations as a function of temperature for
a two-level system. In this case we have put in energies and
statistical weights (3, 5) for the n = 2 and n = 3 states of
hydrogen (first Balmer transition).

the atoms are in the ground state, so the ratio is
zero. As the temperature increases, the quantity
in square brackets gets smaller, so the exponent
becomes less negative, and the ratio increases. If
we let Ty go to infinity the ratio of populations
approaches the ratio of statistical weights. For a
given temperature, increasing the energy separa-
tion between the two levels makes the exponent
more negative, lowering the ratio. This makes
sense, since the greater the energy separation, the
harder it is to excite the atom to the higher level.

The Boltzmann distribution provides us with a
convenient reference point, even for a system that
is not in thermodynamic equilibrium. For any
given population ratio n;n;, we can always find
some value of T to plug into equation (3.9) to make
the equation correct. We call such a temperature
the excitation temperature. When they are not in
equilibrium, each pair of levels can have a differ-
ent excitation temperature. In thermodynamic
equilibrium all excitation temperatures are equal
to each other and to the kinetic temperature.

3.4.2 lonization

If we know the temperature in the atmosphere of
a star, we can use the Boltzmann equation to pre-
dict how many atoms will be in each state, i, and
predict the strengths of various spectral lines.
However, there is still an additional effect that we
have not taken into account - ionization. If the tem-
perature is very high, some of the colliding parti-
cles will have kinetic energies greater than the
ionization energy of the atom, so the electron
will be torn away in the collision. Once a hydro-
gen atom is ionized, it can no longer participate
in line emission or absorption.

When the gas is ionized, electrons and posi-
tive ions will sometimes collide and recombine.
When the total rate of ionizations is equal to the
total rate of recombinations, we say that the gas
is in ionization equilibrium. If the gas is in thermal
equilibrium and ionization equilibrium, then the
Saha equation tells us the relative abundances of
various ions. We let n(X,) and n(X, 1) be the densi-
ties of the r and r + 1 ionization states, respec-
tively, of element X. (For example, if r = 0, then
we are comparing the neutral species and the
first ionized state.) The ionization energy to go
from v to v + 1 is Ej,,. The electron density is 1,
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and the kinetic temperature is Ty. Finally, g, and
g.+1 are the statistical weights of the ground elec-
tronic states of X, and X, (assuming that most
of each species is in the ground electronic state).
The Saha equation tells us that

Me n(Xr+ 1) _ 28, ( 2mm, ka ) 3/26 —[E/kTy]
nX) g\ R

(3.10)

The Saha equation has the same exponential
energy dependence as the Boltzmann distribution.
However, there is an additional factor of T}/2 This
comes from the fact that a free electron has more
states available to it at higher T, than at lower T.
In addition there is a factor of n. on the left. This
is because a higher abundance of electrons leads to
a higher rate of recombinations, driving down the
fraction of atoms that are ionized. Just as we did
with the excitation temperature in the Boltzmann
equation, we can define an ionization temperature T;,
which makes the Saha equation correct, even if
the gas is not in thermodynamic equilibrium.

In this equation n, is the number of electrons
from all sources, since any electron can combine
with a hydrogen ion (for example) no matter
where that electron came from (hydrogen,
helium, etc.) In many situations, virtually all of
the ions are hydrogen. That is because hydrogen
is by far the most abundant element, and because
the next most abundant element, helium, is very
hard to ionize. In that case, the number of elec-
trons is equal to the number of positive ions, n,

TIonization Fraction
(=)
(9]
1
1

0 1
0 1x10*

Temperature (K)

FEE The ratio of electrons to the total number of
hydrogen atoms (neutral plus ion), for an electron density

2% 10%

appropriate to stars like the Sun.

Table 3.1. | Ionization energies (eV).

Atom Singly ionized Doubly ionized
H 13.6 -

He 24.6 544

C 1.3 244

N 14.5 296

O 13.6 35.1

Na 5.1 47.3

K 4.3 31.8

Ca 6.1 1.9

Fe 79 6.2

so the left side of equation (3.10) simplifies to
nZ/n,, where n, is the number of neutrals. This
extra factor of n. makes even this simpler form of
the Saha equation harder to solve for (n./ny ) than
the Boltzmann equation is to solve for the ratio of
level populations. In Fig. 3.8, we show the ratio
ne/ne as a function of temperature, for a value of
1. reasonable for stars like the Sun.

The ionization energies of some common
atoms are given in Table 3.1. This table is useful in
deciding which ions you are likely to encounter
at various temperatures. In designating ionized
atoms, there is a shorthand that has been adopted.
The roman numeral I is used to designate the
neutral species, II the singly ionized species, III
the doubly ionized species, and so on. For exam-
ple, neutral hydrogen is H(I), ionized hydrogen
(H™) is H(II), doubly ionized carbon is C(III).

3.4.3 Intensities of spectral lines

We are now in a position to discuss the intensities
of various absorption lines in stars. We will take
Ha as an example to see the combined effects of
excitation and ionization. At low temperatures,
essentially all of hydrogen is neutral, and most of
it is in the ground state. Since little H will be in
the second state, there will be few chances for Ha
absorption. The Ha line will be weak.

As we go to moderate temperatures, most of
the hydrogen is still neutral. However, more of
the hydrogen is in excited states, meaning that a
reasonable amount will be in level 2. Ha absorp-
tion is possible. As the temperature increases, the
Ha absorption becomes stronger.
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At very high temperatures, the hydrogen
becomes ionized. Since there is less neutral hydro-
gen, the Ha line becomes weaker. This explains
why the Ha line is strongest in middle-temperature
stars, and why the original scheme of classifying
by hydrogen line strengths did not produce a
sequence ordered in temperature.

We can apply a similar analysis to other ele-
ments. The details will differ because of different
energy level structures and different ionization
energies. It should be noted that, after hydrogen
and helium, the abundances of the elements fall
off drastically (see Appendix F for the abundances
of the elements). In fact, astronomers often refer
to hydrogen, helium and ‘everything else’. The
‘everything else’ are collectively called metals,
even though many of the elements don’t fit our
common definition of a metal.

We now look at the properties of different
spectral types, in order of increasing tempera-
ture. Sample spectra are shown in Fig. 3.9, and
the behaviors of a few spectral lines are shown in
Fig. 3.10.

M Temperatures in M stars are below 3500 K,
explaining their red color. The temperature
is not high enough to produce strong Ha
absorption, but some lines from neutral
metals are seen. The stars are cool enough
for simple molecules to form, and many
lines are seen from molecules such as CN
(cyanogen) and TiO (titanium oxide). If cool
stars show strong CH lines, we designate
them as C-type or ‘carbon stars’. If any M

HE TERES
HO 158850
HE Jass
1D 11558
WD BT
H 10892
N EE
WD T3
Ho o
HEs FRETE
BAQ TH0D
D Peess
Wiske 1FES
WO 8338
BAC B1E2
I 13258

EEzsgeascezel

Ez
I

E

Samples of spectra from stars of different spectral
types. The name of the star appears on the right of each
spectrum, and the spectral type appears on the left. In each
spectrum, the wavelength increases from left to right. Hotter
stars are at the top. [NOAO/AURA/NSF]
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m The relative strengths of spectral lines from

important species as a function of spectral type. Each species

shows the effects of excitation and ionization. For example,
the increase in H line strengths from K to A stars occurs
because the increasing temperature results in more hydro-
gen in the n = 2 (and higher) levels. However, the higher
temperatures of the B and O stars ionize much of the
hydrogen and the lines get much weaker.

star has strong ZrO (zirconium oxide) lines
as opposed to TiO lines, we call it an S-type.

K Temperatures range from 3500 to 5000 K. There
are many lines from neutral metals. The H
lines are stronger than in M stars but most
of the H is still in the ground state.

G Temperatures in the range 5000-6000 K. The
Sun is a G2 star. The H lines are stronger
than in K stars, as more atoms are in excited
states. The temperature is high enough for
metals with low ionization energies to be
partially ionized. Two prominent lines are
from Ca(Il). When Fraunhofer studied the
solar spectrum, he gave the strongest lines
letter designations. These Ca(Il) lines are the
H and K lines in his sequence.

F Temperatures range from 6000 to 7500 K. The H
lines are a little stronger than in G stars. The
ionized metal lines are also stronger.

A Temperatures range from 7500 to 10 000 K.
These stars are white-blue in color. They
have the strongest H lines. Lines of ionized
metals are still present.

B Temperatures are in the range 10 000-30 000 K,
and the stars appear blue. The H lines are
beginning to weaken because the tempera-
tures are high enough to ionize a significant
fraction of the hydrogen. The lines of neutral
and singly ionized helium begin to appear.
Otherwise there are relatively few lines in
the spectrum.
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O Temperatures range from 30 000 to over
60 000 K, and the stars appear blue. The ear-
liest spectral types that have been seen are
O3 stars and there are very few O3 and 04
stars. The hydrogen lines fall off very sharply
because of the high rate of ionization. The
lines of singly ionized helium are still pres-
ent, but there are very few lines overall in
the visible part of the spectrum. There are
several lines in the ultraviolet.

Some stars have emission as well as absorption
lines in their spectra. These stars are designated
with an ‘e’ after the spectral class, for example,
Oe, Be, Ae, etc. O stars with very broad emission
lines are called Wolf-Rayet stars. These stars proba-
bly have circumstellar material that has been
ejected from the star. (Wolf-Rayet stars are not the
only stars with such outflowing material.)

3.5 | The Hertzprung—Russell
diagram

Even though we cannot study any one star (except
for the Sun) in great detail, we can compensate
somewhat by having a large number of stars to
study. From statistical studies we learn about gen-
eral trends. For example, if we find that brighter
stars tend to be both hotter and larger, then any
theory of stellar structure would have to explain
that trend. Also, we think that any property that
is common to many stars must be telling us about
the laws of physics that are important in under-
standing the structure of stars.

One of the earliest statistical studies was car-
ried out in 1910 independently by the Danish
astronomer Enjar Hertzprung, and the American
astronomer Henry Norris Russell. They plotted the
properties of stars on a diagram in which the hor-
izontal axis is some measure of temperature (e.g.
color or spectral type) and the vertical axis is
some measure of luminosity. We call such a dia-
gram a Hertzprung-Russell diagram, or simply an
HR diagram.

If a random group of stars is chosen, all at dif-
ferent distances, a comparison of apparent mag-
nitudes is not very meaningful. The apparent
magnitude must be corrected to give the absolute

magnitude. However, if we find a group of stars
all at the same distance, we can plot their appar-
ent magnitudes, since the distance modulus
would be the same for all the stars. For this pur-
pose, we use clusters of stars.

An HR diagram for over 40 000 nearby stars is
shown in Fig. 3.11(a). These stars were studied by
the Hipparcos satellite, which was designed to
measure trigonometric parallaxes, so distances to
these stars are well known. So, apparent magni-
tudes can be converted into absolute magnitudes.
This allows us to compare, on the same basis, the
properties of stars that are not all in a cluster. The
first thing we notice is that stars appear only in
certain parts of the diagram. Arbitrary combina-
tions of temperature and luminosity are not
allowed. Remember, for a given temperature, the
luminosity depends on the radius of the star, so
the HR diagram is telling us that arbitrary combi-
nations of radius and temperature are not allowed.

Most of the stars are found in a narrow band,
called the main sequence. The significance of the
main sequence is that most stars of the same tem-
perature have essentially the same luminosity,
and hence essentially the same size. This close
relationship between size and temperature must
be a result of the laws of physics as applied to stars.
It gives us hope that we can understand stellar
structure by applying the known laws. It also gives
us a crucial test: any theory of stellar structure
must predict the existence of the main sequence.

Not all stars appear on the main sequence.
Some appear above the main sequence. This
means that they are more luminous than main
sequence stars of the same temperature. If two
stars have the same temperature but one is more
luminous, it must be larger than the other. Stars
appearing above the main sequence are therefore
larger than main sequence stars. We call these
stars giants. By contrast, we call the main
sequence stars dwarfs. We subdivide the giants
into three groups: subgiants, giants, supergiants.

To keep track of the size of a star of a given
spectral type, we append a luminosity class to the
spectral type. The luminosity class is denoted by a
roman numeral. Main sequence stars are lumi-
nosity class V. The Sun, for example, is a G2 V star.
Subgiants are luminosity class IV, giants are
luminosity class III. Luminosity class II stars are
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m (a) HR diagram for over 40 000 nearby stars

studied by the Hipparcos satellite, designed to measure
trigonometric parallaxes, so distances are known for all of
these stars. In this figure, the color represents the number of
stars in each category, with red being the most and blue
being the least. (b) A schematic HR diagram, showing the
main features of the actual diagrams. Luminosity classes are
indicated by roman numerals. [(a) Michael Perryman, ESA,
Hipparcos]

somewhere between giants and supergiants.
Supergiants are luminosity class I. We further
divide supergiants into Ia and Ib, with Ia being
larger. When we look at the spectral lines from a
star we can actually tell something about the
size. Stars of different sizes will have different
accelerations of gravity near their surface. The
surface gravity affects the detailed appearance of
certain spectral lines.

There are also stars that appear below the
main sequence. These stars are typically 10 mag
fainter than main sequence stars of the same
temperature. They are clearly much smaller than
main sequence stars. Since most of these are in
the middle spectral types, and therefore appear
white, we refer to them as white dwarfs. (Do not
confuse dwarfs, which are main sequence stars,
with white dwarfs, which are much smaller than
ordinary dwarfs.)

Example 3.3 Size of white dwarfs

Suppose that some white dwarf has the same
spectral type as the Sun, but has an absolute mag-
nitude that is 10 mag fainter than the Sun. What is
the ratio of the radius of the white dwarf, R4, to
that of the Sun, Rg?

SOLUTION
The luminosity is proportional to the square of the
radius, so

Lwd/LO = (Rwd/Ro)2

We use equation (2.2) to find the luminosity ratio
for a 10 mag difference:

Lya/Lo = 10Mo~Mua)/2:5
=10""

Combining these two results to find the ratio of
the radii yields

Rwd/RO = (Lwd/L®)1/2
_ (10—4)1/2
=102

The radius of a white dwarfis 1% of the radius of
the Sun!

For any cluster for which we plot an HR dia-
gram, we only know the apparent magnitudes,
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not the absolute magnitudes. If we know the
absolute magnitude for one spectral type, then
we can find the distance modulus for stars of that
spectral type in the cluster. The distance modulus
is the same for all the stars in the cluster, so we
can calibrate the whole HR diagram in terms of
absolute magnitudes. To obtain a reliable calibra-
tion, we would like to carry it out for many stars.
We have already seen that there is a growing
group of nearby stars for which trigonometric
parallax can give us a good distance measure-
ment. In Chapter 13, we will see how we can
improve on this sample by looking at the motions
of clusters.

Once we know the absolute magnitude for a
given spectral type, we have a very useful way of
determining distances. For any given star, we
measure m, the apparent magnitude. We take a
spectrum of the star to determine its spectral
type. From the spectral type we know the
absolute magnitude, M. Since we know m and M,
we know the distance modulus, m — M, and there-
fore the distance. This procedure is called spectro-

scopic parallax. The word ‘spectroscopic’ refers to
the fact that we use the star’s spectrum to deter-
mine its absolute magnitude. The word ‘parallax’
refers to the fact that this is a distance measure-
ment (just as trigonometric parallax was a dis-
tance measurement using triangulation).

Example 3.4 Spectroscopic parallax
For a BO star (M = —3), we observe an apparent mag-
nitude m = 10. What is the distance to the star, d?

SOLUTION
The distance modulus is
m— M =10 — (—3) = 13 mag
We use equation (2.17) to find the distance:
5 logy0(d/10 pc) = 13 mag
log0(d/10 pc) = 2.6
Solving for d gives
d/10 pc = 400
d = 4000 pc

Chapter summary

In this chapter we looked at how spectral lines
are formed, and how spectral lines can tell us
about the physical conditions in the atmosphere
of a star.

We saw that stars were originally classified
into spectral types before the nature of the tem-
perature sequence was understood.

We saw how an explanation of spectral lines,
in general, requires an atomic theory in which
the electrons can occupy only certain energy
states. An atom can go from one state to another
by emitting or absorbing a photon with the
appropriate energy. We saw that a relatively sim-
ple theory could explain the spectrum of the
hydrogen atom.

In a star, the strength of a spectral line depends
on the abundance of the particular atom, and on
the relative number in the appropriate ionization
and orbital states. The populations of orbital
states is described by the Boltzmann equation.

The distribution among ionization states is
described by the Saha equation. In general, the
higher the temperature, the higher the level of
ionization and the more we find electrons in
higher orbital states.

Finally, we saw what could be learned from a
Hertzprung-Russell diagram, in which the hori-
zontal axis is some measure of temperature and
the vertical axis is some measure of luminosity.
Most of the points representing stars on an HR
diagram fall along a narrow band, called the
main sequence. This tells us that, for most stars,
there is a simple relationship between size and
temperature. Stars that do not lie along the main
sequence are identified as being various classes of
giants, for the brighter ones, and white dwarfs,
for the fainter ones.

We saw how we can determine distances to a
star using its apparent magnitude and a spectral
type to deduce its absolute magnitude.
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Questions

3.1.

What is responsible for the linelike appear-
ance of spectral lines?

binding energy is 13.6 eV. What happens to
the binding energy if the electron is not in

3.2. Arrange the standard spectral sequence - O, the ground state?

B, A, F, G, K, M - in order of decreasing Ha 3.9. Explain how raising the temperature of the
strength. gas increases the rate of collisional excitations.

3.3. What are (a) the strong points (b) the weak 3.10. (a) Explain how the Ha absorption strength
points of (i) Rutherford’s atom and (ii) Bohr’s changes as we raise the temperature of a star.
atom? (b) Explain how the Lyman « absorption

3.4. What evidence supports the idea of photons? strength changes as we raise the temperature

3.5. What evidence supports the idea that elec- of a star.
trons behave as waves? 3.11. Why do we not see helium absorption lines in

*3.6. Consider a neutral carbon atom that has six stars like the Sun?
electrons orbiting the nucleus. Suppose that 3.12. Explain the advantage of studying the HR dia-
five of the electrons are in their lowest states, gram for a cluster, as opposed to a random
but the sixth is in a very high state. Why group of stars.
might the energy levels for the outermost 3.13. What is the significance of the main
electron be similar to those for the single sequence?
electron in hydrogen. (Hint: Think of what is 3.14. (a) How do we know that giants are larger
exerting an electrical force on the outermost than main sequence stars of the same tem-
electron.) perature? (b) How do we know that white

3.7. () What do we mean when we say that a sys- dwarfs are smaller than main sequence stars
tem is bound? (b) If you looked at a electron of the same temperature?
moving near a nucleus, how would you 3.15. (a) Explain how the method of spectroscopic
decide if the system is bound? parallax works. (b) What are its advantages

3.8. When we looked at the hydrogen atom, we and disadvantages relative to trigonometric
said that if it is in the ground state, the parallax?

Problems

3.1. Find the wavelengths of the Hla (Lyman- ence between this case and hydrogen is that
alpha), H18 and H2p transitions. the charge on the helium nucleus is twice

3.2. What is the wavelength of a photon that will that for hydrogen. Ignore the difference in
barely ionize hydrogen in the ground state? reduced masses.)

3.3. (a) How much energy is required to ionize 3.7. Using the de Broglie wavelength, h/p, show
hydrogen already in the n = 2 state? (b) At that orbits whose angular momentum is
what temperature would the average kinetic quantized according to the Bohr quantization
energy of the particles in the gas equal that condition (J = nh/27) correspond to orbits
energy? whose circumference is an integer number of

3.4. Show that if we add a constant to all of the wavelengths.
energies in hydrogen, the energies of the vari-  *3.8. Rederive equation (3.6) without making the
ous transitions are unaffected. assumption of an infinitely massive nucleus,

3.5. An electron in a hydrogen atom is in a high n and show that one obtains the same expres-
state. It drops down one state at a time. What sion except for the reduced mass replacing
is the first transition to give a visible photon? the electron mass. (Hint: This problem is the

*3.6. What is the wavelength of the 2a transition electrical analog of the gravitational problem

in singly ionized helium? (Hint: The differ-

in binary stars, discussed in Chapter 5.)
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3.9.

3.10.

3.11.

3.12.

3.13.

3.14.

3.15.

What are the radii of then = 2 and n =3
orbits in hydrogen?

Consider only the two lowest levels in hydro-
gen with g, = 2, g, = 6. (a) Find the ratio of
their populations at a temperature of 5000 K;
(b) at a temperature of 10 000 K.

Consider only the three lowest levels in hydro-
gen with g; = 2, g, = 6, g3 = 10. Find the three
population ratios at a temperature of 5000 K.
If the populations of two levels of energies E;
and E; and statistical weights g; and gj(E; < E))
are found to be n; and n;, respectively, find an
expression for the excitation temperature of
this transition.

Assuming that all the level populations are
given by equation (3.9), derive an expression
for f;, the fractional population in the ith
level, defined as

n;
fi=—x
L

j=1

where N is the highest populated level.

At what temperature will the average kinetic
energy of the gas be equal to the hydrogen
ionization energy?

For an atom whose populations are given by
equation (3.9), (a) in what temperature limit is

Computer problems

the ratio of the populations equal to the ratio
of the statistical weights, and (b) in what tem-
perature range would you expect the ratio of
the populations to be greater than the ratio
of the statistical weights?

*3.16.Assume that we are considering only the ion-

3.17.

3.18.

3.19.

ization of hydrogen, so that the electron den-
sity is equal to the positive ion density, and
the Saha equation simplifies to n/n, = F(T),
where F(T) is the right side of equation (3.10).
Assuming that the total amount of hydrogen,
fitotr = Me + Mg, is known and constant, find
an expression for n?[nror, the fraction of
hydrogen ionized, in terms of nror and F(T).
How much larger is an MOla star than an
MOV star? (See Appendix E for stellar
properties.)

For an A3 star, we measure an apparent mag-
nitude m = 12. How far away is the star
(assuming it is a main sequence star)? (See
Appendix E for stellar properties.)

We observe a cluster, in the constellation
Orion, whose distance is 500 pc. We find a
star whose spectrum is that of an A0, but we
cannot tell the luminosity class from the
spectrum. (a) If the apparent magnitude of
the star is +9, what is its luminosity class?
(b) What if the apparent magnitude is +4?

3.1. Tabulate the electron—nucleus reduced mass for

3.2.

3.3.

3.4.

the nucleus being H, He, C, Fe.

Find all of the Hna transitions that fall in the visi-
ble part of the spectrum.

Consider only the three lowest levels in hydrogen
with g; = 2, g, = 6, gz = 10. Plot the fraction of
hydrogen in level 2, [n,/(ny + ny, + n3 )] vs. T, for T
covering the range from the coolest M to the
hottest O stars discussed in this chapter.

Make additional columns to Table 3.1 showing, for
each element in the table, the wavelength of a pho-
ton that would just (singly) ionize the atom, and
the temperature of the gas for which the average
kinetic energy is equal to the ionization energy.

3.5.

3.6.

3.7.

3.8.

Make a table showing, for the mid-range tempera-
ture of each spectral type, the wavelength at which
the blackbody spectrum peaks.

If we are limited to m = 6 or brighter for making
naked eye observations, make a table of the maxi-
mum distance we can see a star for the mid-range
of each spectral type (OS5, B5, etc) for main
sequence stars.

For the mid-range temperature for each spectral
type, draw a graph of log B(A, T) vs. A for wave-
lengths ranging from IR to UV.

For the mid-range temperature for each spectral
type, find the number of H ionizing photons emit-
ted per second.



Chapter 4

Telescopes

The past decades have seen dramatic improve-
ments in our observing capabilities. There have
been improvements in our ability to detect visible
radiation, and there have also been exciting
extensions to other parts of the spectrum. These
improved observing capabilities have had a major
impact on astronomy and astrophysics. In this
chapter we will first discuss the basic concepts
behind optical observations. We will then discuss
observations in other parts of the spectrum.

4.1 | What a telescope does

An optical telescope provides two important
capabilities:

(1) It provides us with light-gathering power. This
means that we can see fainter objects with a
telescope than we can see with our naked eye.

(2) It provides us with angular resolution. This
means that we can see greater detail with a
telescope than without.

For ground-based optical telescopes, light-gathering
power is usually the most important feature.

4.1.1 Light gathering

We can think of light from a star as a steady
stream of photons striking the ground with a cer-
tain number of photons per unit area per second.
If we look straight at a star, we will see only the
photons that directly strike our eyes. If we can
somehow collect photons over an area much
larger than our eye, and concentrate them on the
eye, then the eye will receive more photons per

second than the unaided eye. A telescope pro-
vides us with a large collecting area to intercept
as much of the beam of incoming photons as
possible, and then has the optics to focus those
photons on the eye, or a camera, or onto some
detector.

Example 4.1 Light-gathering power

Compare the light-gathering power of the naked
eye, with a pupil diameter of 5 mm, to that of a
1 m diameter optical telescope.

SOLUTION

Let d, be the diameter of the pupil and d, be the
diameter of the telescope. The collecting area is
proportional to the square of the diameter. The
ratio of areas is

() = Goxsomm)
d, 5.0 X 103 m
=40 X 10*

This is the ratio of luminosities that we can see
with the naked eye and with the telescope. We can
express this ratio as a magnitude difference

my — my = —2.51og;0(4.0 X 10%)
= —11.5 mag

This means that the faintest objects we can see
with the telescope are 11.5 mag fainter than the
faintest objects we can see with the naked eye. If
the naked eye can see down to 6 mag, the telescope-
aided eye can see down to 17.5 mag. This illustrates
the great improvement in light-gathering power
with the telescope.
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A major advantage of film or a photoelectric
detector over the eye is its ability to collect light for
a long time. In the eye, ‘exposures’ are fixed at
about 1/20 s. With modern detectors, exposures of
several hours are possible. Therefore, the limiting
magnitude for direct visual observing is not as
faint as for photography or photoelectric detectors.

4.1.2 Angular resolution

We now look at resolving power. Resolution is
the ability to separate the images of stars that
are close together. It also allows us to discern the
details in an extended object.

One phenomenon that affects resolution is
diffraction. Diffraction is the bending or spreading
of waves when they strike a barrier or pass
through an aperture. As they spread out, waves
from different parts of the aperture or barrier
interfere with one another, producing maxima
and minima, as shown in Fig. 4.1. As the aperture
size, relative to the wavelength, increases, there
are more waves to interfere, so the pattern is less
spread out. Most of the power is in the central max-
imum, whose angular width A# (in radians) is
related to the wavelength of the wave A and the
diameter of the aperture, D, by

Af (rad) = A/D (4.1a)

Diffraction results in the images of stars being
smeared out by this angle. That means that if two
stars are closer than A@, their images will blend
together. We consider the images of two stars to
just be resolved when the maximum of one dif
fraction pattern falls on the first minimum of the
other. This condition is called the Rayleigh crite-
rion. While equation (4.1a) is an approximation
good for all shapes of aperture, the actual size of
the diffraction pattern depends on the shape of
the aperture. You may remember that, for circu-
lar apertures, the resolution is given by

A6 (rad) = (1.22) A/D (4.1b)

Example 4.2 Angular resolution
Estimate the angular resolution of the eye for light
of wavelength 550 nm.

SOLUTION

We use a diameter D = 5 mm for the pupil. We use
equation (4.1a) to find the angular resolution in
radians. We convert from radians to arc seconds to

Intensity

Screen
A/D

Incoming Radiation

(b)

Diffraction. (a) A light ray enters from the bottom,
and passes through a slit of length D. Diffraction spreads the
beam out and it falls on a screen.The intensity as a function
of position on the screen is shown at the top. Most of the
energy is in the main peak, whose angular width is approxi-
mately A/D (in radians). Smaller peaks occur at larger angles.
The effect in a real image. (b) [ESO]
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convert the result to a convenient unit (1 rad =
2.06 X 10° arc sec; see Example 2.3).

(2.06 X 10%)(5.5 X 107 m)
B (5.0 X 103 m)

Ao(")

= 23 arc sec

The eye’s resolution is not quite this good, since
the full diameter of the pupil is not generally used.

From equation (4.1a) we can see that we can
improve the resolution if we use a larger aperture.
A larger telescope will give us better resolution. A
10 cm diameter telescope (20 times the diameter
of the pupil of the eye) will give an angular reso-
lution of 1 arc sec. However, diffraction is not the
only phenomenon that limits resolution. The
Earth’s atmosphere also distorts images.

When light passes through the atmosphere
from above, it is passing through increasingly
dense air. As the density of air increases, its
index of refraction increases. Therefore, the
light encounters an increasing index of refrac-
tion as it passes through the atmosphere. We
can think of the atmosphere as having a large
number of thin layers (as shown in Fig. 4.2) each
with a slightly different index of refraction. As
the light passes from one layer to the next it is
bent slightly towards the vertical. The star
appears to be higher above the horizon than it
actually is.

This would not be a problem if the atmos-
phere were stable. However, variations on time
scales shorter than a second cause changes in the
index of refraction in some places. The image
moves around. If we take a picture, we just see a
blurred image. This effect is called seeing and usu-
ally limits resolution to a few arc seconds. We
refer to the numerical value of the blurring as
‘the seeing’. At a good observatory site, on a good
night, the seeing might be as good as 1/3 arc sec
or better. This corresponds to the diffraction
limit of a 30 cm diameter telescope. Building a
larger telescope does not help us past the seeing
limitation on resolution, but it improves the light-
gathering power. Hence our earlier statement that
light gathering is the main purpose of large
ground-based optical telescopes. We will also see
later in this chapter that there are techniques for
overcoming the effects of seeing to produce dif-
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Seeing. (a) Bending of a light ray as it passes through
the atmosphere.We can think of the atmosphere as being
made up many thin layers, each with a slightly larger index of
refraction as you get closer to the ground. The amount of
bending is actually much less than in this picture. (b) Effect of

changes in the amount of bending on the image of a star.

fraction limited images for telescopes with diam-
eters from 1 to 2 m.

4.1.3 Image formation in a camera
To illustrate some basic points about the forma-
tion of images in optical systems, we look at the
operation of a simple camera (Fig. 4.3). For astro-
nomical situations, we are dealing with objects
that are ‘at infinity’, so the light rays from a
point on the sky are traveling parallel to each
other. In the figure, we show bundles of rays
coming from two different stars. The rays within
each bundle arrive at an angle with each other
equal to the angular separation of the stars on
the sky.

For a camera with a lens of focal length f, the
rays in each bundle are brought together at a



44

PART | PROPERTIES OF ORDINARY STARS

Lens Film

m The optics of a camera. Bundles of rays from two
distant points enter, making an angle 6 with each other. The

focal length of the lens is f.

distance f behind the lens. (The image is one focal
length behind the lens when the object is at
infinity. That is the definition of the focal
length.) The images of all the stars in a field lie in
a plane, called the focal plane. The images of two
stars are at different points in the focal plane. We
can locate the image of each star by following the
chief ray of each bundle (the ray that passes
through the center of the lens, undeflected) until
it intersects the focal plane.

If stars have an angular separation 6 on the
sky, then, as viewed from the lens, the two images
have an angular separation 6 on the focal plane.
This is simply the angle between the two chief
rays. The camera provides no angular magnifica-
tion. As viewed from the lens, the angular separa-
tion between the stars is the same as the angular
separation of the images.

We can also find the linear separation x
between the two images. From the right triangle
in the figure, we see that

tan (0/2) = x/2f

If 6 is small, then tan (6/2) is approximately /2, in
radians. This gives us

Solving for x gives

X =fo (4.2)

This tells us that the linear size of the image
is proportional to the focal length. To obtain a
larger image, we use a longer focal length lens.
(This is what we are doing when we put a tele-
photo lens in a camera.)

Apart from image size, we are also concerned
with the brightness of the image. We can see that
the amount of light entering the camera is pro-
portional to the area of the lens. If D is the diam-
eter of the lens, then its area is 7D%/4. This means
that the image brightness is proportional to D*.
The brightness of the image also depends on the
image size. The more the image is spread out, the
less light reaches any small area of the film or
detector. The linear image size is proportional to
f, so the image area is proportional to f*. This
means that the image brightness is proportional
to 1/f%.

Combining these two results, we find that the
image brightness is proportional to (D[f)>. The
quantity f/D is called the focal ratio, so the bright-
ness is proportional to (1/focal ratio)®>. We adjust
the focal ratio in a camera by changing f-stops.
Since the focal length of the lens is fixed, we
change the focal ratio by changing the diameter
of a diaphragm that controls the fraction of the
total lens diameter that is actually used. Each
f-stop corresponds to a factor of 2 in the focal
ratio, meaning that the image brightness
changes by a factor of 2.

The discussions so far on image formation are
really only appropriate for thin lenses, as well as
optical systems where all of the angles are small.
In real optical systems, rays that enter parallel do
not all leave parallel to each other. Imperfections
in the images formed by optical systems are
called aberrations. Some of the aberrations are
reduced by using the central part. The less we use
the edges of the lens the better the images. That
is why we might choose to use a diaphragm in a
camera to block out the outer part of the lens. In
a real optical system there is a tradeoff between
image brightness and image quality.

One type of aberration is called spherical aber-
ration. It arises from the fact that spherical curves
are the easiest to grind on glass surfaces. These
spherical shapes are close to the shapes required
for proper image formation, but differ slightly, so
the images are imperfect. Another type of aberra-
tion is called astigmatism. It occurs when the focal
length depends on where around the lens the
light strikes.

One aberration that occurs in lenses but not
in mirrors is called chromatic aberration (Fig. 4.4).
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C 8 Chromatic aberration. The focal length is different

Tuu vy

for different wavelengths.

This happens because a material’s index of refrac-
tion depends on the wavelength. The focal length
of a lens is therefore different at different wave-
lengths. The images at different wavelengths are
formed in different places. We can correct, some-
what, for chromatic aberration with a two-lens
system, called an achromat. The two lenses are
made of different materials, with different
indices of refraction, and different variations in
the indices of refraction with wavelength. An
achromat only brings the images at two wave-
lengths together, but images for intermediate
wavelengths are not far off.

Now that we have seen some of the basics of
optical systems, we can look at astronomical tele-
scopes. Most current astronomical research is
done on reflecting telescopes. However, the basic
ideas of image formation in reflecting and refract-
ing telescopes are the same. It is easier to visualize
refracting telescopes so we consider them first.

4.2 | Refracting telescopes

In a refracting telescope, the light first passes
through a large lens, called the objective lens. The
objective is the part that intercepts the incoming
light, so it determines the light-gathering power
of the telescope. The larger the objective is, the
greater the light-gathering power. The light pass-
ing through the objective is concentrated on a
second lens, called the eyepiece. The eyepiece is
used to inspect the image formed by the objec-
tive. The image formed by the eyepiece is viewed
either by the eye or by a camera. In practice,
either the objective or the eyepiece may be a
multiple lens, to correct for aberrations, but we
will treat each as a single optical element. It is
also possible to just have a film holder with no
camera lens.

Objective

\
Eyepiece
\ Camera
Lens
\
3]
[¢]
\
\
\

-~

f()bj feye fecam

Image formation in a refracting telescope. Light
from a star enters from the left, making an angle 6 with the
axis, and leaves the eyepiece making a larger angle ¢ with the
axis. The focal lengths of the objective, eyepiece and camera
lens are indicated. For each lens, the ray that goes through
the center undeflected (the chief ray) is indicated as a heavier

line. In a real telescope, the angles would be much smaller.

The basic arrangement of the refracting tele-
scope is shown in Fig. 4.5. We follow the forma-
tion of the images of two stars, just as we did
with the camera. Let’s assume that the focal
length of the objective is f,y;. Since the stars are
at infinity, the objective forms their images this
distance behind the objective. The eyepiece has a
focal length f.,.. We place the eyepiece this dis-
tance behind the images formed by the objective.
(This means that the objective and eyepiece are
separated by a distance equal to the sum of their
focal lengths.) Since the initial images of the stars
are feye from the eyepiece, the eyepiece will focus
the light at infinity. This means that all of the
rays in a given bundle emerge from the eyepiece
parallel to one another.

If you now look through the eyepiece, and
focus your eyes at infinity (by relaxing the muscles
around your eye), the rays in each bundle will be
brought back together on your retina. Similarly, if
you use a camera, you focus the camera at infinity,
and the images of the stars will fall on the film.
The need to focus your eyes at infinity means that
the best way to look through the eyepiece is to
relax both eyes and cover the unused eye, rather
than squinting to close the unused eye.
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Lets’s go back to the two bundles of rays
emerging from the eyepiece. Even though the
rays within a given bundle are parallel to one
another, the bundles make some angle with each
other. If the two stars are an angle 0 apart on the
sky, then the two bundles will enter the objective,
making this angle with each other. The bundles
leave the eyepiece, making a larger angle ¢ with
each other. We can find the angle ¢ by following
the chief ray through the eyepiece. Note that the
chief ray at the eyepiece is not the same ray that
was the chief ray at the objective. However, all
rays in a given bundle will emerge from the eye-
piece parallel to the new chief ray.

From the two right triangles in the diagram
with the common side x, we see that

tan 0 = x/fop;
tan ¢ = X[feye

If the angles are small, we can replace the
tangent of the angle with the value of the angle
in radians. If we also eliminate x in the equations,
we find

@/9 = fobj/ eye (43)

This means that we have an angular magnifi-
cation equal to the ratio of the value of the focal
lengths of the two optical elements.

In general, when we want to do work with good
detail in the image, we use a telescope with a long
focal length objective. Of course, we can change the

angular magnification of a telescope by changing
the eyepiece. There is a practical limit. You don’t
want to magnify the image so much that you blow
up the blurring caused by atmospheric seeing.
There are some limitations in the use of a
refracting telescope. One problem is the chro-
matic aberration of the objective. Also, the objec-
tive must be made from a piece of glass that is
perfect throughout its volume, since the light
must pass through it. This is harder as you try to
make larger objectives. Larger objectives are also
harder to support. The objective can only be sup-
ported at its edges, since light must pass through.
Also, in many modern applications, we want to
place instruments near the eyepiece. However,
the telescope must be supported closer to the cen-
ter of mass, which means far from the eyepiece.
Any instrument hung at the eyepiece will exert a
large torque about the mount, limiting the weight
of the instrument. As a practical matter, the
largest refractors, such as that shown in Fig. 4.6,
have objectives with diameters of, at most, 1 m.

4.3 | Reflecting telescopes

Many of the difficulties with refracting telescopes
are avoided with reflecting telescopes. In reflec-
tors, the objective lens is replaced by an objective
mirror. With a mirror, there is no problem of chro-
matic aberration, since light of all wavelengths is

TN The | m refracting
telescope at the Yerkes
Observatory. Note the long
distance over which the observer
must move to keep up with the
eyepiece. [Yerkes Observatory
photograph]
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(b)

reflected at the same angle. The mirrors are made
by shaping and then polishing a large piece of
glass. While the polished surface has some reflec-
tive ability, it is not enough for a good mirror.
Therefore a thin layer of reflecting material (usu-
ally aluminum) is deposited on the surface. The
process of applying the reflective coating is called

Fig 4.7.
Mt Palomar (California). For almost four decades it was the

largest useful telescope in the world.The caged part is the tel-
escope. It has an equatorial mount.The solid piece in the fore-

(a) The 5 m diameter Hale telescope on

ground is part of the fork shaped support for the telescope.To
track an object, as the Earth rotates, the whole fork rotates in
the opposite direction. The prime focus cage is near the top of
the telescope. (b) The 4 m diameter Mayall telescope of the
National Optical Astronomy Observatory, on Kitt Peak,
Arizona. There is an identical telescope located on Cerro
Tololo, Chile.The Cassegrain focus is in a cage below the tele-
scope.The observer does not stay in that cage for observing;
that is done from a control room, where a television is used to
keep track of where the telescope is pointing. [(a) Palomar
Observatory/California Institute of Technology; (b)
NOAO/AURA/NSF]

aluminization. This is best done under very clean
conditions and under close to vacuum conditions,
to avoid impurities on the surface. The chamber
in which this is done is called an aluminization
chamber. Typically the effects of dust and oxida-
tion result in telescopes needing a new coating
every few years. So, large telescopes generally have
aluminizing chambers near the telescope.

Since the light doesn’t pass through the glass,
the requirements are for a good surface, not a good
volume. Moreover, the glass can be supported from
behind. It is therefore possible to make reflectors
larger than refractors. For many years the largest
reflector was the 5 m (200 inch) diameter Hale tel-
escope on Palomar Mountain (Fig. 4.7a).
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One advantage of the wave nature of electro-
magnetic radiation is that the radiation is essen-
tially unaffected by objects much smaller than
the wavelength. When electromagnetic waves
reflect off a metal surface, they do it by inducing
an oscillating current in the surface. This oscil-
lating current then produces the reflected wave.
If the surface is much smaller than the wave-
length, there will not be enough room to produce
a reflected wave at this wavelength. This means
that to have good image formation, the surface of
the mirror must be perfect to within approxi-
mately A/20, where A is the wavelength of the
light being observed. For example, if you are
observing with a wavelength of 500 nm, the sur-
face must be accurate to within 25 nm. (This is
about 250 atoms.)

Various shapes are possible for the mirror. It
turns out that spherical ones are the easiest to
grind. You may remember that a parabola
focuses to a single point all rays coming in par-
allel to the axis. This means that a paraboloid,
where any cross section of the mirror will be a
parabola, is a useful shape. Paraboloids are gen-
erally easy to grind, if you start with a spherical
shape and then make a slight adjustment (taking
a little glass off the center). Current grinding
technologies (discussed below) allow customized
shaping of the mirror to optimize for various
applications (e.g. better imaging over a wide
field).

We now look at what happens to the image
formed by the objective. Replacing the lens with
a mirror doesn’t change any of the basic ideas of
image formation. There is, however, a problem
caused by the reflection of the light back along
the direction from which it came. To examine the
image, the eyepiece (and observer) must be placed
between the stars and the mirror, blocking some
of the incoming light. If an eyepiece is put at this
location, we call the arrangement a prime focus.
The advantage of the prime focus is that no more
mirrors are required, so light is not lost (or
images distorted) in additional reflections. It pro-
vides for a ‘fast’ system (small focal ratio) with a
large field of view. However, there is some block-
age of the objective. If the telescope is very large,
this blockage is a small fraction of the total col-
lecting area of the objective.

Example 4.3 Blockage in prime focus

Consider a 5.0 m diameter telescope, with a 1.0 m
diameter prime focus cage. What fraction of the
incoming light is blocked by the cage?

SOLUTION

The ratio of the areas will be the square of the ratio
of the diameters. The fraction of the mirror
blocked is therefore

fraction blocked = (1.0 m/5.0 m)*
= 0.04

This means that only 4% of the incoming light is
blocked. If we make the telescope smaller, but keep
the cage the same size, the blockage worsens.
Clearly, prime focus arrangements are only suitable
in larger telescopes.

This problem was recognized by Newton, who
devised a mirror arrangement, called the Newtonian
focus, in which a flat diagonal mirror is used to
direct the image formed by the objective to the
side. This is shown in Fig. 4.8(a). The eyepiece is
then mounted on the side of the tube. There is
still some blockage but it can be kept small even
for small telescopes. For a larger telescope, the
Newtonian arrangement is difficult to use, since
the eyepiece is at the top end of the telescope.
Also, the eyepiece is farther from the mount’s
point of support, and equipment placed at the
focus exerts a large torque about the support.

An alternative solution is called the Cassegrain
focus, shown in Fig. 4.8(b). The prime focus cage is
replaced with a mirror that directs the rays back
through a hole in the center of the primary mir-
ror. Little light is lost by removing the center of
the mirror, since it would be blocked by the
prime focus cage or the secondary mirror. The
secondary mirror in a Cassegrain arrangement is
diverging (convex), so the telescope seems to have
a longer focal length than the objective. Since the
eyepiece is just behind the primary mirror, it is a
convenient arrangement. Also, if you want to
place a lot of equipment at the eyepiece position,
this is not too far from the point of support of the
telescope.

Sometimes an astronomer will want equip-
ment that cannot conveniently be mounted on a
telescope. It might be too large or it might require
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(a) Newtonian

(b) Cassegrain
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TR B Focal arrangements in (a) Newtonian,
(b) Cassegrain and (c) coudé telescopes. In each case the
light enters the telescope from the left.

aroom in which the temperature can be kept con-
stant. It may also be necessary to have no mechan-
ical flexure of the instrument that moving it
would cause. For this purpose, some telescopes
have coudé focal arrangements (Fig. 4.8c). (The
term, pronounced coo-DAY, comes from the French
word for elbow, since the light beam is bent many
times.) A series of mirrors is used to direct the
image into a laboratory under the telescope
mount. One disadvantage of this arrangement is
the large number of mirrors that must be used.
No mirror is perfectly reflective, and a little light
is lost at each reflection (see Problem 4.10).

A general problem with any of these arrange-
ments is that they all involve some blockage of observation. Often the goal is to provide a large
the objective. In addition to reducing the light field of view that is relatively free of aberrations.
striking the objective, the blocking element must For example, a Schmidt camera incorporates a glass
also be supported. Starlight passing by the ele- plate shaped to provide corrections for some aber-
ment and its supports is diffracted, creating rations. This plate is placed at the front end of the
unusual stellar images (as shown in Fig. 4.9). telescope and the light passes through it before

Some telescopes follow the basic layout of the striking the primary mirror. Schmidt cameras
Cassegrain system, but have some differences in are very good for wide field photography. Many
their optics to optimize them for a certain type of newer telescopes are of the Ritchey—Cretien design

TR Stars act as true point sources, and their images
have a diffraction pattern resulting from the supports for the
secondary mirror.The pattern is evident as a cross on the
brightest stars. [NOAO/AURA/NSF/Co.WIYN Consortium].
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(named after the two telescope designers who
came up with the idea in 1910), which incorpo-
rates hyperbolic mirrors as an alternative way for
correcting for aberrations.

While the 5 m telescope was the largest for
many years, there have been a number of break-
throughs in telescope design and fabrication in the
past decade, and we have seen a progression of
larger and more sensitive telescopes. For example,
the old large telescopes are all equatorially
mounted. This means that they keep up with the
Earth’s rotation by rotating at a constant rate
about an axis parallel to the Earth’s rotation axis,
the polar axis. This is convenient, but requires a
large counterweight (Fig 4.6) or a fork to support
the telescope on both sides of the polar axis
(Fig 4.7a). The alignment of the polar axis is not per-
fect, and the motion of the telescope is not smooth.
It is therefore necessary to make small corrections
to the position of the telescope. This process, called

guiding, is done with the aid of a small auxiliary
telescope and a control to adjust the position of the
telescope about two axes to keep the object of
interest in the center of your field. With the advent
of computers to control telescopes in real time (and
television systems to fine tune the guiding), it is
now easier to use alt-azimuth mounts, which move
in azimuth and elevation, and are light and sym-
metric about the local vertical.

There has been a growing realization that
thermal currents in and just above the dome can
create bad seeing. Some telescopes built in the
1970s had designs that tried to reduce these
effects by using massive mirrors and large domes,
to assure that they change temperature slowly.
Newer designs have mirrors that are very light
with good airflow, and minimal domes, so that
the systems quickly equilbrate with the outside
conditions when the dome is opened. The New
Technology Telescope (Fig. 4.10) of the European

the shape of the mirror is adjusted with a grid of motors mounted on the back, visible in their casings in (a). The telescope is
placed in a small dome (b) that allows for quick equilibration with the outside air, reducing currents within the dome that pro-

duce bad seeing. [ESO]

RS IUR The 3.5 m New Technology Telescope of the European Southern Observatory, located at Cerro Paranal. It is
mounted in azimuth and elevation, and must move in two axes to track a source.As the telescope tilts to different elevations,
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Southern Observatory (Chile) was one of the first
to utilize that design. It is now becoming stan-
dard for new large telescopes.

One potential problem with large telescopes
is that, as they tilt at different angles, gravity
acts at different angles relative to the surface of
the telescope. This causes the surface to deform
as the tilt is changed. To get around this prob-
lem, some newer telescopes have a grid of
remotely controlled motors on the back of the
telescope. These motors turn screws that adjust
the shape of the surface, from the back, in a pre-
programmed way. The NTT was also one of the
first to utilize this concept. An even more ambi-
tious idea is to overcome some of the effects of
bad seeing by using real time signals from a
bright star to distort the third mirror in a coudé
arrangement. This reshapes the wavefronts, com-
pensating for the distortions induced by seeing.
These processes are called active optics and adap-
tive optics. Together they are producing diffrac-
tion limited images in telescopes up to 2 meters
in diameter.

Recently a group at the University of Arizona
has developed a technique for making high qual-
ity mirrors with diameters as large as 8 meters
(Fig. 4.11). It involves heating the glass and then
spinning the glass while it cools. The surface of
the spinning molten glass takes on the shape of a

paraboloid. The mirror is cast so that most of the
glass on the back side is missing, leaving a hon-
eycomb pattern. This means that the mirror can
be lighter than ones made using conventional
designs. Also, the honeycomb allows air to flow
through the back of the mirror meaning that the
mirror can quickly reach the temperature of the
outside. As we just saw, this cuts down on air
currents in the telescope, a major source of bad
seeing.

Even with the technology to build 8 m mir-
rors, astronomers need even larger telescopes. A
different approach was pioneered by the Multiple
Mirror Telescope (MMT), in Arizona. Instead of
one large mirror the telescope had six moderate
sized mirrors. The images from all six mirrors
are brought together to produce an image that is
six times as bright as the image from one mirror.
While the multiple mirror approach sounds like
an obvious idea, a number of technical obstacles
had to be overcome before it could work. Among
these are issues of aligning the mirrors, and
combining the images properly. In the last few
years a number of multiple mirror telescopes
have been developed with larger and larger col-
lecting areas.

The first of the newer generation multiple
mirror telescopes is the Very Large Telescope (VLT)
operated by ESO on Cerro Paranal (2635 m) in

Polishing an 8 m
mirror in the University of
Arizona Mirror Laboratory.
[Steward Observatory Mirror
Lab.]
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Chile (Fig. 4.12a, b). It has four telescopes, each
with an 8.2 m reflector. Eventually the light from
all four telescopes will be combined into a single
beam. Still under construction is the Large
Binocular Telescope, on Mt Graham in Arizona. It
uses two 84 m mirrors made in the Arizona
Mirror Laboratory (Fig. 4.11). It will have the reso-
lution of a single telescope with 23 m diameter,

in one direction. That direction changes as the
Earth rotates, just as for radio interferometers,
discussed in Section 4.8.

Another approach to large collecting areas is
a variation on the multiple mirror approach.
The mirror is broken into a number of smaller
segments, all on the same mount. This seg-
mented mirror approach allows all of the mirrors
to be pointed collectively, with fine tuning of
their positions as the telescope tilts. Located on
Mauna Kea (Fig. 4.12c, d) are the two Keck tele-
scopes, each 9.8 m, which utilize this design. The
Hobby-Eberly Telescope at McDonald Observatory,
also uses this design (Fig. 4.12e).

(b)

m (a) One element of

the Very Large Telescope (VLT) on

Cerro Paranal in Chile, built by
ESO. (b) Exterior view of the four
domes. The telesopes are named
after the Mapuche (a pre-
Columbian tribe in northern
Chile) words for Sun, Moon,
Southern Cross and Sirius. (c) The
Keck telescope, located on Mauna
Kea in Hawaii. Its mirror consists
of a number of individually con-
trolled segments. It is operated by
the California Association for
Research in Astronomy, which is a
partnership among the University
of California, the California
Institute of Technology and NASA.
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(e)

(Continued) (d) An outside view of Keck. (e) The
Hobby-Eberly telescope at McDonald Observatory, also a
multisegment telescope. It is operated by the University of
Texas, Austin, and Pennsylvania State University. [(a), (b), ESO;
(c), (d) W. M. Keck Observatory; (e) McDonald Observatory]

(d)

4.4 | Observatories

4.4.1 Ground-based observing

In the past, the convenient location of observato-
ries was considered important. Observatories were
built near universities that had astronomers, and
those astronomers used whatever clear nights
were available. Today, the considerable investment
in large telescopes and sophisticated equipment
requires more regular utilization of the facilities.
Moreover, high quality telescopes are now built at
the sites that best allow them to take advantage of
their capabilities. Observatories are now built only
after there has been an extensive investigation of
the quality of the site.

Instruments have become more expensive; in
the 1960s and 1970s there was a trend away from
privately financed observatories to publically
financed national observatories. National observato-
ries are available to any qualified astronomer. An
astronomer who has a project will be required to
write a proposal, explaining the scientific justifica-
tion and the details of the observations. Generally,
there is not enough observing time for all of the
submitted proposals, and a panel of astronomers
decides which projects are to be done. More
recently, with developments to cut the cost of tele-
scopes, there has been a trend back to private obser-
vatories. Many of these are cooperative efforts by,
typically, two to four universities with some public
support. Keck is an example of such an effort.
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The selection of an observatory site depends
on a number of considerations. Obviously, good
weather is important. However, clear weather is
not enough. The air should be dry, since water
vapor can attenuate signals. This suggests a
desert. Also, the higher you go in altitude, the less
air you have to look through. An altitude of 3 km
(10 000 ft) puts you above a significant amount of
atmospheric water vapor. This suggests a moun-
tain in the desert. Even with a mountain in the
desert, good seeing is not guaranteed. Seeing
often varies with local conditions, depending on
air flow and terrain. Before an optical observa-

tory is built, seeing tests are done, with test obser-
vations being done over the course of a number
of years.

An additional consideration is light pollution.
Light from nearby cities is reflected up into the
sky, making the sky appear to glow. The brighter
this glow, the harder it is to see faint astronomi-
cal objects. Astronomers have found that certain
lights are better than others. For example, low
pressure sodium vapor lights, which have a yel-
low appearance, give off most of their light in a
narrow wavelength range, and this range can be
filtered out at the telescope. For any light, a hood

(a)

(b)

(c)

(d)

(14 000 ft), its summit is one of the best ground-based astronomical sites. (c) Cerro Tololo Interamerican Observatory
(operated by NOAO) in Chile.The largest dome is a twin to the 4 m telescope on Kitt Peak. (d) The European Southern
Observatory, located on La Silla in Chile, about 100 km from Cerro Tololo. [(a), (c) NOAO/AURA/NSF; (b) Richard Wainscoat,

Institute of Astronomy, University of Hawaii; (d) ESO]

Observatories. (a) Kitt Peak National Observatory (operated by NOAO), southwest of Tucson, Arizona. Notice the
large number of telescopes.The 4 m telescope is in the background. (b) Mauna Kea, on the island of Hawaii. At 4.3 km
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that reflects light back to the ground rather than
letting it into the sky is very helpful. Such hoods
also essentially double the brightness of the light
on the ground.

Once a good site is found, it is likely that
many telescopes will be built there. A good exam-
ple is Kitt Peak in Arizona, operated by the National
Optical Astronomy Observatory (NOAO), which is
shown in Fig. 4.13(a). This observatory has a num-
ber of different-sized telescopes, the largest being
the 4 m Mayall telescope (shown in Fig. 4.7a). To
make maximum use of the site, there are even tel-
escopes on Kitt Peak operated by individual uni-
versities or groups of universities, not directly
affiliated with NOAO.

Surprisingly, one of the best observing sites is in
the middle of the Pacific Ocean. It is on the island
of Hawalii, at an elevation of 4.3 km (14 000 ft) on a
dormant volcano, Mauna Kea (Fig. 4.13b). The
island often has clouds, but they are generally
below the altitude of the observatory, and the air
above the clouds is very dry. However, the lack of
oxygen at this altitude makes work very difficult.
Many astronomers report headaches and other
discomforts. Clear thinking is also difficult, and
there are many stories about simple mistakes
made by experienced observers. For that reason,
observing is conducted remotely, typically with
the observer at sea level.

The development of observatory sites in the
Chilean Andes has had a major impact on astron-
omy since the 1990s. First, it is important to have
telescopes in the southern hemisphere, since
there are large parts of the sky that cannot be
seen from the northern hemisphere. The north-
ern part of the Andes runs next to the Atacama
Desert, which is dry even as deserts go. (There are
places in the Atacama Desert, some not too far
from the Pacific, where there has been no
recorded rain in over a century.) There is precipi-
tation in the mountains, as is evidenced by the
snowy peaks, but a typical site in the Andes has
half the amount of water vapor overhead of a
comparable (in latitude and elevation) site in the
US. Three major observatories have been devel-
oped in the Andes. One is the Cerro Tololo
Interamerican Observatory (CTIO) (Fig. 4.13c), which
is operated by NOAO (in cooperation with the
University of Chile). Another is the European

Southern Observatory (ESO). ESO operates under a
treaty among member European countries. Its
primary location in Chile is on La Silla (Fig.
4.13d), which is about 100 km from Cerro Tololo.
La Silla is the site of the NTT (Fig. 4.7a). ESO has
recently gained another site, Cerro Paranal, fur-
ther into the desert. It is the site of the VLT (Fig.
4.12a). The third is Las Campanis, which is near La
Silla. All of these Chilean sites are quite far from
major population centers so that light pollution
is virtually non-existent.

The availability of spectacular sites in Chile
has driven astronomers to make the best use of
those sites, by getting the best possible seeing.
As we have said, an important part of this is in
the site selection. However, astronomers have
long known that, at good sites, where the seeing
is about 1 arc sec on a good night, about half of
that comes from air in and directly above the
telescope. Turbulence, caused by the ground,
dome and telescope are important contribu-
tions to seeing. As we mentioned above, new
telescope and dome designs are improving see-
ing. For example, seeing at the NTT is frequently
better than 1 arc sec and, on really good nights,
is better than 0.5 arc sec.

The lastest NOAO push to take advantage of
excellent sites in the northern and southern
hemispheres is Project Gemini (Fig. 4.14). Both tele-
scopes are 8.1 m in diameter. The northern tele-
scope is on Mauna Kea, and started operation in
1999. The southern telescope is on Cerro Pachon
(2715 m) in Chile.

There is one other place that has recently
been developed for astronomy. This is Antarctica.
It is more than 2000 m above sea level, so it is at
a good altitude. The air is so cold that it is very
dry. In fact, once you are more than 150 km from
the coast, you lose the ocean as a source of water
in the air, and there is very little precipitation.
The snow that you see far from the coast is
blown there. This brings up one of the major
problems, wind. Telescopes would have to be put
in protective domes. This is reasonable for the
infrared and millimeter parts of the spectrum.
There is also an international science station,
which is supported during the summer, so there
is logistical support. Astronomers are investigat-
ing various sites near the South Pole.



56

PART | PROPERTIES OF ORDINARY STARS

FTER R Project Gemini of the NOAO will have twin tel-
escopes on Mauna Kea and in Chile. (a) The northern tele-
scope has a moving weight of 342 tons, and the shape of the
mirror surface is controlled in real time using 120 actuators
behind the mirror and 60 around the edge. (b) The southern
telescope dome on Cerro Pachon (2715 m) in Chile.
[NOAO/AURA/NSF]

4.4.2 Observations from space

One of the major advances in observational
astronomy has been the ability to place telescopes
in space. This is particularly important for observ-
ing in parts of the spectrum that don’t penetrate
the Earth’s atmosphere. However, a telescope in
space can even be important in the visible part of
the spectrum. It allows us to make observations
free of the blurring caused by atmospheric seeing
conditions.

Example 4.4 Diffraction-limited optical telescope
What is the resolution of a 1 m diameter telescope
in space for observations at a wavelength of 550 nm?

SOLUTION

We find the diffraction limit from equation (4.1a):
~ (2.06 X 10°)(5.5 X 10" m)

- (1m)

A6

1.1 X 10! arc sec

A 1 m diameter telescope on the ground will
never realize this resolution because of the see-
ing limitations (typically worse than 1 arc sec and
sometimes as good as 0.5 arc sec). By putting a
1 m telescope in space we can realize a factor of
5 improvement over the best ground-based condi-
tions. With a 2 m telescope, we would have a fac-
tor of 10 improvement.

This is the reason for the development, by the
National Aeronautics and Space Administration (NASA)
and the European Space Agency (ESA) of the Hubble
Space Telescope (HST), launched in 1990. HST, shown
in Fig. 4.15, has a 2.4 m diameter mirror providing
an angular resolution of about 0.05 arc sec. The
telescope is equipped with a full complement of
instruments so that it can carry out a full range of
astronomical observations: imaging, photometry,
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(b)

Views of the Hubble Space Telescope (HST).
(a) HST being deployed. (b) After deployment on service
mission. [STScl/NASA]

spectroscopy. It is an international facility, with
time available on the basis of proposals, just as
with ground-based national observatories. The
telescope is controlled from NASA’s Goddard
Spaceflight Center in Greenbelt, MD. The scien-

tific support comes from the Space Telescope Science
Institute (STSCI), in Baltimore, MD. Observers can
view data at computer work stations at their
home institutions.

Shortly after HST was launched, astronomers
discovered a serious flaw in the optics, which
degraded the images. An error in fabrication
had produced a severe spherical aberration. This
resulted in a server degradation in the image

(b)

S A Images of a shell around a star; taken by HST
(a) before and (b) after servicing. [STScl/NASA]
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quality, and in the sensitivity. Astronomers were
excited about the successful completion of a serv-
icing mission that compensated for the error. We
will come back to HST results throughout this
book, but in Figs. 4.16 and 4.17, we show images
taken with HST before and after the servicing. In
2002 there was a scheduled servicing mission in
which many of the instruments were upgraded.

(b)

Images of the spiral galaxy M100 from HST
(2) before and (b) after servicing. [STScl/NASA]

Since the servicing, HST has been so success-
ful that astronomers are now planning a succes-
sor, the Next Generation Space Telescope (NGST).

4.5 | Data handling

In the previous sections we concentrated on
bringing as many photons to the eyepiece as pos-
sible. Now we will look at what we do with these
photons once they reach the eyepiece. We con-
sider three different types of observations:

(1) Imaging. This is probably the most familiar
type of observation. The goal of these obser-
vations is to obtain a picture of some part of
the sky.

(2) Photometry. The name implies the measure-

ment of light. The goal of the observations is

to measure the brightness of some object.

This may include measuring the brightnesses

through certain filters to measure colors. It

may also include measuring time variations
in brightness.

Spectroscopy. The goal of these observations is

to obtain a spectrum of some object, generally

with sufficient detail to allow the study of
spectral lines.

(3

4.5.1 Detection
Whatever the type of observation, the data must
be recorded in some way. In the past, the most
common way was to use a photographic plate.
These plates contain an emulsion with light sen-
sitive grains. Each grain serves as a little detector
of radiation, or picture element (pixel). One advan-
tage of photographic plates is that there are many
pixels. We say that the plate has a panoramic qual-
ity. This means that we can simultaneously
record many parts of the image. There are some
disadvantages to photographs. One is that a very
small fraction of the photons that strike the plate
are actually detected. We call the fraction of pho-
tons that are detected the quantum efficiency of the
detector. For most emulsions, this efficiency is
only a few percent.

A much higher efficiency can be obtained
with photoelectric devices. A photon strikes a sur-
face, causing an electron to be ejected. This is the
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photoelectric effect that we discussed in Chapter
3. The electron is accelerated towards another
surface, where more electrons are ejected. The
process is repeated many times, and eventually a
sufficient number of electrons are moving for a
current to be detected. In the past, these photo-
multiplier devices allowed only a single detection
element in the focal plane. That is, there is one
pixel. So, they provided higher efficiency, but at
the cost of the panoramic quality.

One problem with any detector is that it pro-
duces some background level. This is sometimes
called the dark current, because it is present even
when no light is shining on the detector. This
generally results from thermal emission from the
detector. For most astronomical observations,
this background is much stronger than the signal
you are trying to detect. The background has two
deleterious effects. The first is that it must be sub-
tracted from any measurement, to just give the
value of the astronomical signal. The second is
that it produces a random fluctuation in the
measurement. The stronger the background, the
higher the fluctuation. This fluctuation produces
an uncertainty (statistical error) in any result.

To see how this effect works, it is easiest to
think in terms of numbers of counts in a given
measurement. For a photomultiplier, the num-
ber of counts in the signal is the number of pho-
tons striking the detector, multiplied by the
quantum efficiency. For the background, we can
think of the number of photons that would be
equivalent to the emission from the background.
If the background is thermal emission, that
number would be kT/hv, where T is the tempera-
ture of your background emission and v is the
frequency at which you are measuring. From
this, you see that we can reduce the background
by cooling the detector.

The effect of this fluctuation is to cause a
scatter in the results of counting experiments. If
you want to determine the average rate at which
you are counting photons from a given source,
you might measure for some time, say ten sec-
onds. If you repeat this experiment many times,
you will find that the number of counts is not
always the same. If you plot a histogram of the
number of times each result comes out, you will
find a gaussian centered on some value. That

value is the best estimate of the number of pho-
tons detected in ten seconds, but the spread in the
gaussian — the standard deviation - tells you the
uncertainty. For a counting experiment, in which
you measure N events, that uncertainty is |N. So
the ratio of the signal to the uncertainty, some-
times called the signal-to-noise ratio, is |N. So, as
you increase N, the signal-to-noise ratio increases
but only as |N. For example, if you want to
improve the signal-to-noise ratio by a factor of
two, you would have to increase the number of
counts by a factor of four.

More recently, astronomy has been revolu-
tionized by the development of charge-coupled-
devices (CCDs). They provide a grid of detectors all
with high quantum efficiency (greater than 50%
and sometimes as high as 80% to 90%). Each ele-
ment of the grid is one pixel, and keeps an elec-
tronic record of the intensity of light striking its
position. The array is on a single silicon chip.
There are typically over 1 million pixels (1000 X
1000) on astronomical CCDs. (Commercial digital
cameras use CCDs.) Each pixel is a potential well
that traps electrons. For the most part, the elec-
trons are the result of photons striking the pixel.
In order to use the information on the chip, there
has to be some way of reading it into a computer.
This is illustrated in Fig. 4.18.

An advantage to a CCD is that it is nearly lin-
ear in its response. This means that the number of
electrons is proportional to the number of strik-
ing photons. This is true over a wide range of
intensities. As with photomultipliers, there is
some dark current. This can be reduced by cooling
the detector. The dark current is generally meas-
ured by taking exposures with no light entering.
There is also a variation in sensitivity from pixel
to pixel. This can be measured by making an expo-
sure of a uniform field, such as the twilight sky or
the inside of the dome. This process is called flat
fielding. CCDs are so stable that dark current meas-
urements and flat field measurements only need
to be done a few times a night.

If a cosmic ray (cosmic rays are charged parti-
cles that permeate interstellar space) strikes a
CCD during an exposure, it will make a few pixels
look very bright. These can easily be removed in
the computer processing of the image. To mini-
mize their effects, it is better to take a few short
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e How a CCD readout works. In this example, we
just look at 16 pixels, with rows numbered and columns let-

tered. The readout device is on the right. (a) An exposure is
finished. Each pixel has a value indicated by the label for that
pixel. The readout device has levels zero. (b) The numbers
are all shifted one pixel to the right. The first row is now
zeroed, and the readout device has the contents of the last
row. (c) The contents of the readout row are shifted down
one, as the first number (bottom right value) is read. (d) The
process continues until that whole row is read. (e) Everything
shifts one more to the right, and the readout process of the
last row repeats. This then continues until all values have
been read and pixels have been set to zero.

exposures and add them together (using a com-
puter) than one long exposure. There is also an
error introduced in the readout process, called
readout noise. This can put a limit on the faintest
signals CCDs can see.

Having the image in computer readable form
is actually very convenient, because many new
techniques are being used to computer enhance
very faint images. This provides a large dynamic

range, meaning that we can see faint objects in
the presence of bright ones.

When photometric observations are being
made, we generally compare the brightness of the
star under study with the brightnesses of stars
whose properties have already been studied. By
changing filters we can measure, for example,
the U, B and V magnitudes of a star, one after
another. Some method of recording the data is
still needed. One option is photographic. The
brighter the star is, the larger its image on a pho-
tographic plate. (This is an artifact of the photo-
graphic process and atmospheric seeing.) We can
measure the brightness of a star by measuring
the size of its image. (Remember the actual
extent of the star is too small to detect in our
images.) Photoelectric devices are well suited for
photometry. Almost all photometry is now done
using photomultipliers or CCDs. Some of the
standard colors even account for the wavelength
responses of various commercially available pho-
tomultipliers.

4.5.2 Spectroscopy

In spectroscopy we need a means of bringing the
image in different wavelengths to different phys-
ical locations on our detector. We have already
seen that this can be done with a prism. Since a
prism does not spread the light out very much,
we say that the prism is a low dispersion instru-
ment. Dispersion is a measure of the degree to
which the spectrum is spread out. Low dispersion
spectra are sometimes adequate for determining
the spectral type of a star. Sometimes a thin
prism is placed over the objective of the telescope
and a photograph is taken of the whole field.
Instead of seeing the individual stars, the spec-
trum of each star appears in its place. These objec-
tive prism spectra are quite useful for classifying
large numbers of stars very quickly.

When better resolution is needed, we gener-
ally use a diffraction grating, illustrated in Fig. 4.19.
For any wavelength A, the grating produces a max-
imum at an angle given by

dsin 6 = mA (4.4)

where d is the separation between the slits and m
is an integer, called the order of the maximum.
The higher the order is, the more spread out the
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SRR HEA Diffraction grating. Light comes in from the upper
left. The beam reflected off each step spreads out due to dif-
fraction. However, interference effects result in maxima in the
indicated directions. The angles of the steps can be adjusted
(blazed) to throw most of the light into the desired order.

spectrum. Suppose our grating just lets us sepa-
rate (resolve) two spectral lines that are A\ apart
in wavelength. The resolving power of the grating is
then defined as

R = A/A (4.5)

If the grating has N lines in it, then in the
order m the resolving power is given by

R =Nm (4.6)

Some gratings have over 10 000 lines per cen-
timeter over a length of several centimeters.
This means that resolving powers of 10° can be
achieved. In general, light will go out into sev-
eral orders. It is possible to cut the lines of a
grating so that most of the light goes into a par-
ticular order. This process is called blazing.

It is possible to use interference filters such as
that shown in Fig. 4.20. There are two flat parallel
reflecting surfaces placed close to each other.
There is a maximum in the transmitted radiation
when twice the spacing between the surfaces, d,
is equal to an integral number of wavelengths.

That is
2d = mA (4.7)

One problem with this approach is that we
can only measure a small wavelength range at a

Incoming Destructive
Light Interference
I - - - ] Plates
d
[ L} 1
Constructive
Interference

U8 Operation of an interference filter.

time, and must keep changing the spacing, d, to
obtain a complete spectrum. Another problem is
that different orders (m) of different wavelengths
can get through at the same time. You can solve
this problem by adding a second filter with a dif-
ferent spacing, set to pass the desired wavelength
and remove the unwanted orders. A device with
multiple interference filters is called a Fabry—Perot
interferometer.

A major recent improvement has been the
development of devices that produce a Fourier
transform of the spectrum. These devices provide
astronomers with a great deal of flexibility and
sensitivity. Fig. 4.21 shows the operation of one
such device, called a Michelson interferometer. The
incoming radiation is split into two beams, which
are reflected off mirrors so that they come back
to the same location and interfere with each
other. The path length of one of the beams can be
altered by moving a mirror. This changes the
phase of the incoming beams. By seeing how the
intensity changes as we move the mirror, we form
an idea of the relative importance of longer and
shorter wavelength radiation.

According to Fig. 4.21, the total path length
difference is x. We look at the electric field for
each wave. In this case it is convenient to write
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Michelson interferometer. Light enters from the
left, and strikes a beam splitter. The split beams bounce off
mirrors and are brought back together to interfere with

each other. One of the mirrors has its position fixed, and the

other is movable.

the waves as E, exp[i(kx — wt)], where k = 277/A and
o = 27y, and E; is the electric field amplitude of
the wave. So, the two waves that will be recom-
bined can be written as

E; = Ey exp|—iwt] (4.8a)

E, = E, expli(kx — wt)| (4.8b)

Taking the total electric field, E = E; + E,, and
the intensity, I = EE*, we can write (see Problem
434)

exp(ikx) + exp(—ikx)
2

I(k, x) = 2E3| 1 + (4.9)
For any position of the mirror, corresponding to a
path length x, we will receive the contributions
from all wavelengths (k). So, to find the total
intensity as a function of x, we integrate over all k:

Ix) = [I(k, x)dk

0 exp(ikx) + exp(—ikx
21y |1 + EREY) 2 Pk |
0

= ZTI(k)dk +71(k) exp(ikx)dk +71(k) exp(—ikx)dk

0 0 0

If we let

I = Tl(k)dk (4.10)
0

be the total power, and we define I(—k) = I(k), this
simplifies to

I(x) = 21, + | I(k)exp[—ikx] dk (4.11)

The integral in this expression is the Fourier
transform of I(x). So by measuring I(x), we are also
measuring the Fourier transform . This means
that we can find I(k), power as a function of wave-
length, from the inverse Fourier transfrom of I(x),
which is

Ojo I(x)exp[ikx] dk

In a real measurement, we don’t measure I(x)
for all values of x. There are two limitations. One
is the total range over which we move the mirror.
This limits our ability to do the integral from
minus to plus infinity. The other is that we can
only move the mirror in finite steps. This means
that we only measure I(x) at those positions, so
this limits our ability to approximate the inverse
transform integral as a sum. The closer together
we measure I(x), the shorter wavelengths (higher
frequencies) we are sensitive to. The greater the
largest value of x at which we measure I(x), the
more information we have on the longer wave-
lengths (lower frequencies), so this sets the limit
in the frequency resolution in the computed
spectrum.

4.6 | Observing in the ultraviolet

The visible part of the spectrum only gives us
access to a small fraction of the radiation given
off by astronomical objects. For centuries, how-
ever, this was the only information available to
astronomers. We will see throughout this book
that observations in other parts of the spectrum
have revealed entirely new types of objects or
provided us with information crucial to under-
standing objects that are already observed in the
visible. In discussing other parts of the spectrum,
we start with ultraviolet observations, because
the techniques are very similar to those in optical
observations.

In many ways, we can think of ultraviolet
observations as being short wavelength visible
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observations. The basic imaging ideas are the
same. Of course, since the wavelength is shorter,
mirror surfaces must be more accurate in the
ultraviolet than in the visible. The normal coat-
ings that we use to make mirrors reflective in the
visible do not work as well in the ultraviolet, and
different coatings are needed. Since ultraviolet
photons have more energy than visible photons,
the uv photons can easily be detected with pho-
tographic plates, photomultipliers or CCDs.

The major problem is that ultraviolet radia-
tion does not penetrate the Earth’s atmosphere.
If you don’t go too far into the ultraviolet, some
observations are possible at high altitudes.
However, we have become increasingly dependent
on ultraviolet satellites. Some pioneering satellites
were Copernicus (1972-1981) and International
Ultraviolet Explorer (IUE, 1978-1996). IUE had a
0.45 m mirror, 3 arc sec angular resolutions and
an R = 12 000 spectrograph. Currently, we can use
HST, whose mirror was designed to work in the
ultraviolet as well as the visible. Far Ultraviolet
Spectroscopic Explorer (FUSE) was launched in
1998, with a 0.64 m mirror and a high resolution
spectrograph.

4.7 | Observing in the infrared

In this section we briefly look at some of the
techniques for observing in the infrared part of
the spectrum. For some purposes we can simply
think of infrared radiation as being long wave-
length visible radiation. In fact, much of infrared
astronomy is done on normal optical telescopes.
The long wavelength means that surface accu-
racy of mirrors is not a problem. A surface accu-
rate enough for optical observations is certainly
accurate enough for infrared observations.
However, the longer wavelength makes diffrac-
tion more of a problem. For example, for a 1 m
diameter telescope working at a wavelength of
10 pm, the diffraction limit is 2 arc sec, slightly
worse than the seeing limit at a good site.

One problem with infrared observations not
common with optical observations is radiation
from the telescope itself. Parts of the telescope
that are not perfectly reflective radiate like black-
bodies at temperatures close to 300 K, with a peak

at 10 pm. This is not a problem for optical detec-
tors, but it is a problem for infrared detectors.
(See Problem 4.23.) In an infrared telescope, the
radiation paths must be carefully designed so
that the detector cannot ‘see’ any hot surface.
Some reduction in the problem can be obtained
by cooling surfaces that can radiate into the de-
tector. Such infrared optimization techniques are
being incorporated into the northern hemisphere
(Mauna Kea) part of Project Gemini (Fig. 4.14).

Detectors used in the infrared are generally
different from those used in the visible. Infrared
photons are not energetic enough to expose nor-
mal photographic emulsion. Recently, infrared
sensitive emulsions have been developed.
Infrared photons also have a hard time causing
electrons to be ejected from metals. One of the
great advances of the past few years has been the
development of efficient infrared arrays of detec-
tors. They read voltage, rather than the currentin
a CCD, but have readout schemes similar to CCDs.
Infrared arrays also have a smaller number of pix-
els, typically 32 X 32. The detectors are cooled to
reduce background noise. (As an aside, these
arrays were first developed by the military to put
into satellites looking down at the Earth. With
the end of the cold war, this technology became
declassified.)

Originally, the most common type of infrared
detector was called a bolometer. A bolometer is a
device that heats up in a known way when radia-
tion falls on it. We generally use a material whose
electrical properties change with temperature. For
example, if the resistance of a bolometer changes
with temperature, we can measure temperature
changes by measuring resistance changes. By
measuring the temperature increase, we can
determine the total amount of energy striking the
bolometer. (Remember, in Chapter 2, we defined a
bolometric magnitude based on the total amount
of energy given off by a star.)

Spectroscopy in the infrared is different than
in the visible. One problem is that the longer
wavelength means that objects must be physically
larger to provide the same spectral resolution.
Another problem is the thermal emission from the
material used to construct the devices. If the sur-
faces can be cooled, then this problem is reduced.
Prisms are of some value for low resolution. Cooled
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gratings are used. It is possible to use tunable inter-
ference filters (Fabry-Perot interferometers) or
Michelson interferometers, as discussed earlier.

The major problem in the infrared is the
Earth’s atmosphere. The atmosphere is totally
opaque at some infrared wavelengths, and is, at
best, only partially transparent at all other
infrared wavelengths. The opacity of the atmos-
phere causes two problems: (1) the atmosphere
blocks the infrared radiation from the sources we
are studying; (2) the atmosphere emits its own
infrared radiation, which can be much stronger
than that received from the astronomical objects.
To observe with this atmospheric emission it is
generally necessary to compare the astronomical
source you are looking at with some empty sky
nearby, thereby canceling the effects of the
atmosphere. However, this limits you to studying
relatively small sources.
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We call the wavelengths at which some obser-
vations are possible from the ground infrared win-
dows in the atmosphere. Fig. 4.22 shows some of
the major infrared windows. At the very least, the
2 km altitude of many optical observatories is
required. In general, 2 km is only sufficient for
working in the near infrared, at wavelengths of a
few micrometers. If we want to work farther into
the infrared, higher altitudes are necessary. Some
observatories have been placed at altitudes as
high as 4.3 km (even though higher elevations
result in difficult working conditions). For exam-
ple, there are a number of infrared telescopes on
Mauna Kea (Fig. 4.13D).

For many studies, even higher altitudes are
needed. For 20 years NASA operated the Kuiper
Airborne Observatory (KAO). The KAO was a con-
verted military transport (a C141), that carries a
0.9 m infrared optimized telescope to altitudes
up to 45 000 ft, for 7 hour observing sessions. The
KAO was operated as a national facility, with qual-
ified astronomers submitting proposals for
observing time. It made approximately 80 flights
per year. It operated out of the NASA Ames
Research Center (Moffet Field, CA), but could
change its base when the astronomical need dic-
tated. For example, there were regular observing
sessions in the southern hemisphere from
Christchurch, NZ. There were also customized
flights to look at transient astrophysical phenom-
ena such as solar eclipses. The KAO was taken out
of service in 1997.

To replace KAO, NASA is building, in coopera-
tion with astronomers in Germany, the Stratospheric
Observatory for Infrared Astronomy (SOFIA), shown in
Fig. 4.23. To allow for a larger (2.6 m) telescope it
will be made from a converted Boeing 747 SP. This
aircraft is also capable of cruising at higher alti-
tudes and providing for longer (up to 16 hour)
flights. For even higher altitude work, balloons are
used up to 100 000 ft.

For some observations, even a minimal
atmosphere causes problems, and we carry out
observations from space. Fig. 4.24 shows two of
the primary infrared space missions. One of the
important early missions was the Infrared
Astronomy Satellite (IRAS), a joint American-
Dutch-British project launched in January 1983.
The 0.6 m diameter cooled telescope was primarily
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Artist’s impression of the Stratospheric
Observatory for Infrared Astronomy (SOFIA), which will be
made from a converted 747 SP. [NASA]

designed for imaging observations. It contained
arrays of detectors operating in four wavelength
ranges, centered roughly at 12, 25, 60 and 100
pm. From its high (560 mile) polar orbit, much of

IRAS’s lifetime was devoted to a systematic survey
of the sky. A certain fraction of the time was
devoted to specific objects. The large scale survey
revealed over 100 000 point sources and a network
of extended infrared emission. The whole set of
data is available as a resource to the general astro-
nomical community. An astronomer interested in

Infrared satellites.

(a) Artist’s conception of Infrared
Space Observatory (ISO)
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(b)

G LR (Continued) (b) Space Infrared Telescope Facility
(SIRTF) in the laboratory for testing. [(a) ESA/ISO; (b) NASA]

a particular object can check the data at the
Infrared Processing and Analysis Center (IPAC), at
Caltech, which is not too far from the Jet
Propulsion Laboratory (JPL). IPAC has also become
the curator of other infrared data.

More recently, astronomers have been able to
utilize the Infrared Space Observatory (ISO), Fig.
4.24(a), a project of the European Space Agency.
ISO provides a wavelength coverage extending
farther into the infrared, a larger telescope,
arrays of more sensitive detectors for good imag-
ing, and for the first time the ability to make
high quality spectra. During the HST servicing
mission, NASA added an infrared camera and
spectrometer (NICMOS). NASA is now making
plans for the Space Infrared Telescope Facility (SIRTF),
Fig. 4.24(b).

Box 4.1. | Methods of displaying images.
When we look at a normal optical photograph of some
astronomical object, we have a sense of how our brains
should interpret that image. In a sense it is how the
object would look if we could view it through a large tel-
escope, or if we could somehow be transported close
enough to the object so we could see it with this detail
with the unaided eye. However, what does it mean when
we display a radio image like that in Fig. 4.25?

There is even a terrestrial analogy to this question.
You have seen ‘night vision glasses’, which allow you to
‘see’ even with no illuminating light. Remember; we nor-
mally see earthbound objects as they reflect sunlight or
roomlight, our eyes being sensitive to the range of wave-
lengths at which the Sun's emission is strongest. The night
vision glasses work differently: they actually detect the
infrared radiation given off by objects (most of which are
usually close to 300 K). So, the night vision glasses have
infrared detectors, but our eyes are not sensitive to that
infrared radiation. Therefore the glasses also convert that
infrared image into an optical image, usually with the
brightest part of the optical image corresponding to the
strongest infrared emission. So, the image you see is an
optical representation of the infrared image.

We can do the same thing with astronomical infrared
(or ultraviolet, radio, etc.) images. We can make a false
gray-scale image, by creating an optical image where
brighter regions correspond to stronger infrared emission.
[t is important to remember that, while such images are
often constructed to have a true-looking appearance, they
are just a particular representation for that image.
Sometimes our eyes are better at picking information out
of a color image than a black and white (or gray) image.
It is therefore sometimes useful to make false color images.
In this case, we arbitrarily assign a color to each level of
infrared emission. Often the colors will run through the
spectrum from red to blue (or the other way). Often, a
sample bar will be placed next to the image, showing
what intensity level each color represents.

So far, we have been talking about what we do when
we have one piece of data at each location, say the aver-
age intensity in some particular wavelength band. Suppose
we have observed in more than one band (for example,
IRAS observed in four infrared bands).We could certainly
make a separate false gray or color image of each band
(and we often do this), but what if we want to compare
the bands, or simply display all the information together?
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Various representations of a radio image. In this
case it is a 6 cm wavelength image of the Orion Nebula (which
we will discuss in Chapter 15), made with the Byrd GBT
(which we will discuss in the Section 4.8). (a) Contour map.

(b) Gray-scale map. (c) False color image. (d) Color contours, in
which colors change where there would be a contour line.

[D. Shephard, R. Maddalena, J. McMullin, NRAO/AUI/NSF]

We then make a false gray-scale image of each band.We
then tint each band a different color, generally making the
longest wavelength band red and the shortest wavelength

(b)

(d)

band blue (mimicking what happens in the visible part of
the spectrum).We then have a false color image in which
the color has some intrinsic meaning (in that hotter
objects will appear bluer).

We should point out that this technique can also be
used to make a true color visible image.You might say that
if you want a color image you simply use color film and
take a picture. However, no two types of color film are the
same. Some are meant to enhance skin tones and are set
to emphasize reds, for example. Therefore the way to
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make a color photograph that looks like what you would
see with your eyes, we take a series of black and white
images, through red, green and blue filters. We then com-
bine the images, utilizing the various wavelength ranges in
the same proportion as the eye uses them. This technique
is well suited to making ‘true color’ images with CCDs.

There is another method of displaying two-dimensional
images, contour maps. You should be familiar with topo-
logical maps on Earth, which are normally displayed as
contour maps.All points within a given contour level have
a value (e.g. average intensity in a particular wavelength
range) greater than the value assigned to that level.
Contour maps give a good feel for how the quantity you
are displaying changes over some region. The closer
together the contours, the more rapid the variation in
the plotted quantity.

4.8 | Radio astronomy

Radio observations provide us with very different
information from optical observations and use
very different techniques. The long wavelength
means that the wave nature of the radiation is
very apparent in the observations. The long wave-
length also corresponds to low energy photons.
This means that radio regions can tell us about
cool regions. For example, we will see how radio
observations tell us about star formation in Part
IV. We will also see that there are high energy
sources that give off much of their energy at
longer wavelengths. Thus, radio observations also
give us a way of studying high energy phenomena.

Radio astronomy owes its origins to an acci-
dental discovery by Karl Jansky, an engineer at the
Bell Telephone Laboratories in New Jersey. In
1931, Jansky detected a mysterious source of radio
interference. He noticed that this interference
reached its peak four minutes earlier each day.
This timing suggests an object that is fixed with
respect to the stars. (This four minute per day
shift is caused by the Earth’s motion around the
Sun. This and other aspects of astronomical time-
keeping are discussed in Appendix G.) The time of
maximum interference coincided with the galac-
tic center crossing the local meridian. Jansky con-
cluded that he was receiving radio waves from

the galactic center. It was realized that astronom-
ical objects can be strong radio sources.

The discovery was not followed up immedi-
ately. In fact, for a long time there was only one
active radio astronomer. Grote Reber was an ama-
teur radio astronomer in Illinois, who carried out
observations on his back yard radio telescope in
the 1930s and early 1940s. (When Reber submit-
ted his first paper for publication in The
Astrophysical Journal, it was sent to a referee, a
normal procedure. To make sure that the data
were to be believed, the referee, Bart Bok, a Dutch
astronomer, then living in the US, took the
abnormal step of visiting Reber and his telescope,
and taking the editor along. Bok recommended
publication of the paper, and was the first tradi-
tional optical astronomer to understand the
importance of radio astronomy. Following WW II,
radio astronomers benefitted from the develop-
ment of radar equipment during the war. Radio
observations were pursued by the British, Dutch,
Australians, and a small group of Americans at
Harvard. A major advancement was the ability to
observe spectral lines in the radio part of the spec-
trum. We will discuss these lines in Chapter 14.

By the mid-1950s, it was clear that a major
radio observatory had to be a cooperative effort,
and the National Radio Astronomy Observatory
(NRAO) was founded. (This was the first US
national observatory, being formed a little before
the optical observatory on Kitt Peak.) Bart Bok
played a major role in the founding of the NRAO.
The first telescopes of the NRAO were in Green
Bank, West Virginia, far away from sources of
man made interference (in the National Radio
Quiet Zone). Since the Earth’s atmosphere is vir-
tually transparent through much of the radio
part of the spectrum, it is not necessary to place
radio observatories at high altitudes or clear
sites. We can even observe through clouds. We
can also observe day or night, since the sky does
not scatter radio waves from the Sun the way it
scatters light from the Sun, making the sky
appear bright (blue).

We now take a look at how a radio telescope
works. A radio telescope consists of some element
that collects the radiation and a receiver to detect
the radiation. Most modern radio telescopes have
a large dish to collect the radiation and send it to
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Flg Z 178 Resolution for a radio telescope. (a) The short
dashed lines show what would happen if there were no
diffraction. Only radiation traveling parallel to the telescope
axis would reach the focus.The solid lines show the effects of
diffraction. Radiation coming in at a slight angle with the tele-
scope axis can still be reflected on to the focus. This means
that when the telescope is pointed in one direction, it is sen-
sitive to radiation from neighboring directions. This is shown
in (b), as the telescope is sensitive to radiation coming from
within a cone of angle approximately A/D (in radians).

a focal point. (They are like optical reflectors.) The
long wavelength becomes important in this
process. We have already seen that the resolution
of a telescope depends on the size of the tele-
scope, relative to the wavelength (Fig. 4.26). (In
the radio part of the spectrum, atmospheric see-
ing is not a problem.) Since the wavelengths are
large, to achieve good resolution you need a large
collector. However, that surface doesn’t have to
be perfect. It can have imperfections as long as
they are smaller than approximately A/20. For
example, at a wavelength of 20 cm, 1 cm diame-
ter holes have no effect on the performance of
the telescope. We are hindered by the fact that it
is hard to make large telescopes with very accu-
rate surfaces. Most large telescopes are made up

of smaller panels that are easier to machine accu-
rately. The panels are then aligned to produce the
best surface. The alignment is at least adjusted
for the effects of gravity as the telescope tilts at
different angles, and techniques are being devel-
oped to control the surface actively by monitor-
ing the panels at all times during observations.
The best resolution for single radio telescopes is
about 30 arc sec, slightly better than the naked
eye for visible viewing.

Example 4.5 Strength of radio sources

We measure the strength of radio sources in a unit
called a Jansky (Jy). It is defined as 10~ *® W/m?*/Hz
reaching our telescope. For a 1 Jy source, calculate
the power received by a perfect antenna with an
area of 10> m?, using a frequency range (band-
width) of 10° Hz.

SOLUTION

The total power received is the power/area/Hz, mul-
tiplied by the frequency range (in Hz), and the sur-
face area of the telescope:

P = (10~ %® W/m?/Hz)(10° Hz)(10* m?)
=10 "®W.

This is 10 2° of the power of a 100 W light bulb.
Note that the larger the dish, the larger the total
power detected.

We have already seen that for making maps of
extended sources, larger dishes are important
because they provide us with better angular reso-
lution. The weakness of radio sources gives us
another reason for building large telescopes. A
larger telescope intercepts more of the radiation,
and allows us to detect weaker sources. A few
large telescopes are shown in Fig. 4.27. The largest
single dish is at the National Atmospheric and
Ionospheric Center in Aricebo, Puerto Rico (Fig.
4.27a). The dish is made of a mesh surface that is
set in a natural bowl. The holes in the surface are
large enough that we can only use this dish for
long wavelength observations. Also, the dish can-
not be steered in any direction; it looks straight
up. However, by moving the detectors around you
can actually view a reasonable amount of sky. For
many years, the largest fully steerable antenna
was at the Max Planck Institiit fiir Radioastromie in
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(c)

Effelsberg, Germany (Fig. 4.27b). That telescope is
100 m in diameter. The inner 80 m has a surface
made of solid panels so it can be used at wave-
lengths of a few centimeters. The outer 20 m is a
mesh and is used to make the dish larger at
longer wavelengths where diffraction is worse.
The newest large telescope is the Byrd telescope,
just being completed at the NRAO in Green Bank.
It is a fully steerable 100 m telescope (Fig. 4.27¢). It
is designed so that more of the collecting area is
used than in the German telescope. This is done
in part by reducing the blockage by the support

(b)

(@)

G A Large radio telescopes. (a) The 300 m (1000 ft )
dish in Aricebo, Puerto Rico.The dish always points straight

up, but moving the receiver to different off axis positions
allows looking away from overhead. (b) The 100 m diameter
telescope of the Max Planck Institiit fir Radioastronomie,
Effelsberg, Germany. It operates in azimuth and elevation.
Azimuth is controlled by moving the whole structure on the
circular track.As the telescope changes its elevation angle it
deforms under gravity. However, it is designed to deform from
one paraboloid into another, so only its focal length changes.
(c), (d) The 100 m Byrd Telescope at the NRAO in Green
Bank,WV. The offset arm to support receivers results in no
blockage of the dish. This optimizes sensitivity and imaging
quality. The telescope surface (c) and back-up structure (d) are
shown. [(a) The Aricebo Observatory is part of the National
Astronomy and lonosphere Center operated by Cornell
University under a cooperative agreement with the National
Science Foundation; (b) MPIFR; (c),(d) NRAO/AUI/NSF]

structure. All of the surface is accurate enough for
observations at wavelengths as short as 7 mm.
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The detection of the radio waves takes place in
a radio receiver. In general, the size of the receiver
limits us to only one receiver operating on a tele-
scope at a given time. This is equivalent to doing
optical observations with only one detector in
your CCD. At any given time, the telescope is
receiving radiation from a piece of sky determined
by the diffraction pattern of the antenna. If we
want to build up a radio image of part of the sky,
we must point the telescope at each position and
take a separate observation. Recently, improve-
ments in receiver technology have allowed limited
multireceiver systems.

The receivers in radio astronomy are similar in
concept to home radios. Like your home radio, the
incoming signal is first mixed with a signal from
a reference oscillator, and the resulting lower fre-
quency beat note is then amplified. We change
the frequency we are observing (like changing
radio stations) by changing the frequency of the
reference oscillator. However, the signals from
astronomical sources are so weak by the time they
reach us that receivers for radio astronomy must
be much more sensitive than your home radio.
Sometimes the receivers are cooled to a few
degrees above absolute zero to minimize sources
of background instrumental noise. Unlike bolome-
ters, they do not simply detect all of the energy
that hits them; they are also capable of preserving
spectral information.

Just as with optical observations, in radio
astronomy we can make continuum and spectral
line observations. Continuum studies are like opti-
cal photometry. We tune our receivers to receive
radiation over a wide range of frequencies, and we
measure the total amount of power received. From
this information, we obtain the general shape of
the continuous spectrum (intensity vs. frequency).

In spectral line observations the radiation is
detected in small frequency intervals, so the
shapes of spectral lines can be determined. The
spectrometers for radio observations have tradi-
tionally been large numbers of electronic filters,
tuned to pass narrow frequency ranges. More
recently, the ability of very fast computer chips
has allowed for very flexible digital spectrome-
ters. They measure the auto-correlation function
of the incoming signal, which is the result com-
paring the signal with a slightly delayed version

of the signal, and doing this for different delay
times. We can think of this as the digital analog
of the Michelson interferometer spectrometer
discussed above. It therefore produces a Fourier
transform of the spectrum. As with the
Michelson interferometer, it is limited by its abil-
ity to measure this Fourier transform at only a
finite range of time delays, with a step size lim-
ited by how fast we can run the computer. The
computer speed determines the total bandwidth
of the spectrometer, and the largest delay time
determines the frequency resolution. By chang-
ing one or the other, we can adjust the band-
width or the frequency resolution. That is why we
say this is a very flexible system.

With either technology it is relatively easy to
make high resolution spectral observations, with
up to a few thousand frequency channels
observed simultaneously. So, compared with opti-
cal observations, in radio observations we have to
work harder to build up an image, but it is easier
to make a spectrum at each position in our image.

One of the most important advances in radio
astronomy in the last three decades of the 20th
century has been the development of the millime-
ter (or shortest radio wave) part of the spectrum.
As we will see throughout this book there are cer-
tain observations which are only possible at mil-
limeter wavelengths. There also are some inherent
benefits in working at millimeter wavelengths. If
we can observe at 1 mm, for example, we can
achieve the same angular resolution as at 10 cm,
with a 100 times smaller dish! Of course, the dish
must have a surface that is 100 times more accu-
rate, meaning that it is hard to make a very large
dish. This has restricted the size of millimeter tel-
escopes to a few tens of meters in diameter, pro-
viding resolutions of ~10 to 20 arc sec at best.

At millimeter wavelengths the atmosphere
blocks some of the incoming radiation (being
somewhere between the totally clear radio and
totally blocked infrared). This means that it is
useful to put millimeter telescopes at high alti-
tudes and dry sites (just as with optical or
infrared telescopes). One of the first (and until its
closure, in 2000, one of the most heavily used)
millimeter telescopes was the 12 m telescope of the
NRAO, located on Kitt Peak, Arizona, just below
the site of the optical observatory (Fig. 4.28a). ESO
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(d)

A Millimeter telescopes. (a) The NRAO 12 m telescope on Kitt Peak, Arizona. (b) The Swedish—ESO Submillimetre
Telescope (SEST) on La Silla, Chile. (c) The 30 m telescope, Spain. (d) The Nobeyama 45 m telescope. [(a) Jeffrey Mangum,
NRAO/AUI/NSF; (b) ESO; (c) IRAM; (d) Nobeyama Radio Observatory/National Astronomical Observatory of Japan]

has operated the 15 m Swedish-ESO Submillimetre
Telescope (SEST) at their optical site on La Silla,
Chile (Fig. 4.28b). The largest millimeter tele-
scopes are the 30 m telescope operated by French
and German institutes, and located in Spain
(Fig. 4.28c) and the Nobeyama 45 m telescope in
Japan (Fig. 4.28d).

The problem of poor angular resolution for
radio observations has been solved, in part, by

using combinations of telescopes, called interfer-
ometers (Fig. 4.29). Interferometers utilize the
information contained in the phase difference
between the signals arriving at different tele-
scopes from the same radio source. Any pair of
telescopes provides information on an angular
scale approximately equal (in radians) to the
wavelength, divided by the separation between
the two telescopes in a direction parallel to a line
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Radio interferometer. Here only two telescopes
are shown, but an interferometer with any number of tele-
scopes can be treated as a number of pairs of telescopes.
The separation between the telescopes produces a phase
delay, which depends on the separation, d, and the position
of the source.The phase difference can be detected, provid-
ing information about source structures whose angular size
is approximately A/d (in radians). By using different telescope
spacings and the Earth’s rotation, information about struc-
tures on different angular sizes can be accumulated and
eventually reconstructed into a map of the source.

connecting the two telescopes. To obtain infor-
mation on different angular scales, it is necessary
to have pairs of telescopes with different spac-
ings. In addition, different orientations are
needed. For this reason, interferometers gener-
ally have a number of telescopes. The Earth’s rota-
tion also helps change the orientation of any pair
of telescopes, as viewed from the direction of the
source. Unlike single dish observations, you don’t
have to point the telescope at different parts of
the source to make a map.

To see some of the limitations of using inter-
ferometers to make images, we look a little more
at how they work. We again look at any pair of
telescopes, as indicated in Fig. 4.29. Before com-
bining the signals from the two telescopes, we
delay the signal from the nearer telescope by the
extra time it takes the waves to reach the second
telescope. That delay will change as we point the
telescope pair at different angles above the hori-
zon. This allows us to zero out the phase differ-

ence between signals from objects at the center
of each field of view. But objects off the field cen-
ter will have varying phase differences as we
track the source across the sky. To extract a map
of our field of view, we first multiply the two sig-
nals together (actually the delayed signal from
the first telescope times the complex conjugate
of the signal from the second telescope). This
product is called the visibility. When you work out
the details, the visibility turns out to be the
Fourier transform of the two-dimensional inten-
sity distribution on the sky, I(x, y). The visibility
is a function of two variables (u, v), where u =
(d/A)coshy and v is defined for the corresponding
angle in the perpendicular direction.

So, we measure the (2D) visibility at as many
(u, v) points as possible, and then calculate I(x, y)
by taking the 2D Fourier transform. Obviously,
the more (u, v) points we can measure, the better
we can estimate the visibility and the better we
can estimate its Fourier transform. This is similar
to the Michelson interferometer, discussed ear-
lier in this chapter, where the more mirror posi-
tions at which we could measure the interference
pattern, the more accurately we could compute
the spectrum, which is the Fourier transform.

How do we measure many (u, v) points? For
any pair of telescopes, we let the Earth’s rotation
change the elevation angle of the source, and also
the orientation on the sky, changing how much
of u and how much of v we are changing. So, if we
do a series of observations, of say, 5 minutes each,
and track a source for 8 hours, we can take many
measurements. It also helps to have many tele-
scopes. For N telescopes there are N(N—1)/2, inde-
pendent pairs of telescopes, so, for large N, the
number of pairs goes up roughly as N*. To make
optimum use of these pairs, we don’t simply have
equally spaced telscopes, since every pair of spac-
ing d will give redundant information. It is also
useful to not have all the telescopes in a
line,which would just give a lot of values of u or
v, but not both. In general the shortest spacings
give information on the large angular scales on
the sky, and the longest spacing provide informa-
tion on the smallest angular scales.

The most useful interferometer over the past
several years has been the Very Large Array or VLA,
near Socorro, New Mexico, operated by the NRAO
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Depending on the project, the spacings can be adjusted by moving the telescopes along railroad tracks. Moving all of the tele-
scopes takes a few days and is done four times a year. The VLA is operated by the National Radio Astronomy Observatory.
(2) The whole array. (b) The central section, showing a better view of the telescopes and the railroad tracks. (c) The transporter

used to move telescopes on the tracks. [NRAO/AUI/NSF]

GO Views of the Very Large Array (VLA), on the Plains of St Agustine (at an altitude of about 2.3 km) southwest of
Socorro, New Mexico. There are 27 telescopes, each 25 m in diameter. At any instant there are 351 pairs of telescopes.

(Fig. 4.30). The VLA has 27 telescopes, 351 pairs
(each 25 m in diameter), arranged in a ‘Y’ config-
uration, to allow a wide range of both (u, v) values.
Each arm of the Y is 21 km long. The telescopes
are placed alongside railroad tracks, so that the
telescope spacings can be changed, depending on
the resolution needed for a particular project.
These changes can take up to two weeks and are
only done a few times a year. The shortest wave-
length at which the VLA operates is 7 mm. It can
be used for both continuum and spectral line
observations. It has proved to be a powerful tool,
providing images of radio sources, with many
observing sessions ranging from a few minutes to

a few hours. (The amount of data taken is so large
that it takes the computers much longer to
process the data than it does to observe.)

For observations requiring the best possible
resolution, telescopes on opposite sides of the
Earth are used. This is called very long baseline
interferometry (VLBI). VLBI observations have pro-
vided angular resolutions of 10~ * arc seconds! In
regular interferometry, the signals from the vari-
ous telescopes are combined in real time, as the
data comes in. In VLBI, signals at each telescope
are recorded along with a time signal from a very
accurate atomic clock. Later, the records are
brought together, and the time signals are used
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Arrangement of telescopes for the Very Long
Baseline Array (VLBA), operated by the NRAO.There are
ten telescopes, each 25 m in diameter. It operates down to a
wavelength of | cm. [NRAO/AUI/NSF]

to coordinate the records from different tele-
scopes, and the interferometry is then done by
computer. To provide a dedicated group of tele-
scopes for VLBI, the NRAO has recently built the
Very Long Baseline Array (VLBA), which extends over
much of North America (Fig. 4.31).

The success of interferometry and the impor-
tance of millimeter observations have led
astronomers to begin working with millimeter
interferometers. Millimeter waves provide many
technical challenges for interferometry. For
example, the effects of the Earth’s atmosphere
on the millimeter signals are important.
Following the demonstration of successful mil-
limeter interferometers operated by Caltech and
Berkeley, the NRAO has started development of
the Atacama Large Millimeter Array (ALMA), shown
in Fig. 4.32. The final details are still being
worked out, but the array, which is being built in
collaboration with ESO and the Chilean govern-
ment, will have approximately 75 telescopes,
each approximately 12 m in diameter. They will
work down to a wavelength of 0.8 mm. In order
to get around atmospheric problems, a very high
(5000 m) dry site in the Atacama Desert in Chile

has been chosen. It is expected that operation
will start in 2010.

49 | High energy astronomy

X-ray astronomy is one of the youngest fields in
observational astronomy. Since X-rays do not
penetrate the Earth’s atmosphere, the history of
X-ray astronomy is the history of high altitude
(balloon) and space astronomy. Early X-ray obser-
vations were done with sounding rockets (which
provided very brief flights with only a few min-
utes of data taking) and high altitude balloons. Of
course, the balloons still do not rise above all the
atmosphere, and, in the X-ray part of the spec-
trum, even the little bit that is left matters.

One problem in observing X-rays is that it is
very hard to make a mirror that works for these
short wavelengths, less than 1 nm. That is
because the typical spacing between atoms in a
solid is about 0.1 nm. So the incoming radiation
sees a rough surface, with reflections off each
atom producing a scattering in some essentially
random direction. There is one possibility. If we
arrange for the X-rays to come in at a very shal-
low angle, only a degree or two, with the surface,
the atoms appear to be closer together, and we
achieve normal reflection. This is called grazing
incidence. Of course, being constrained to only graz-
ing angles makes it difficult to design a telescope
that will collect and focus a reasonable amount of
radiation. A diagram of the imaging system in one
X-ray satellite is shown in Fig. 4.33(b).

X-ray satellites are able to provide both con-
tinuous and spectral line observations. Originally,
the spectral information came from detectors
similar to those used by high energy physicists,
called proportional counters, which register the
energy of the photons as they hit. Better spectral
resolution was obtained by using a type of grating
called a Bragg crystal, in which the ‘slits’ are the
individual atoms in a solid. More recently, X-ray
astronomers have been able to 